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Brož, Ph.D., for his insightful guidance, generous time, helpful comments, patience, care-
ful proofreading of papers and thesis, and constant willingness to engage in discussions.
It has been a pleasure to collaborate with him. I am also grateful to my advisor, prof.
RNDr. Petr Harmanec, DrSc., for his valuable advice throughout my studies.

I spent the second year of my studies in the MEYS training programme at the Eu-
ropean Southern Observatory in Garching, which was an inspiring, enriching, and truly
unique experience. I would like to thank my advisors, Drs. Christian A. Hummel, Antoine
Mérand, and Henri M. J. Boffin, for their guidance and for sharing their expertise. I was
delighted to meet Dr Dietrich Baade there. I truly valued our inspiring discussions, as
well as his thoughtful advice and generous support.
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Abstract: Massive stars are cosmic engines—by exploding as supernovæ, they power
galaxies, shape the interstellar medium, and enrich it with heavy elements. Yet, their
inner workings remain among the most challenging frontiers in stellar astrophysics. The
life of massive stars is critically influenced by multiplicity. Most of them have one or
more companions, although a few of them remain single. This raises the question: Could
these single stars be the end state of multiple systems? Interferometry is one of the best
methods for detecting and characterising multiplicity. The Orion complex is our nearest
star-forming region, and thus the most suitable for detailed studies. It hosts a number
of massive stars, particularly in the Orion Belt. In this work, we aim to interpret in-
terferometric data in synergy with astrometry, photometry, high-resolution spectroscopy,
and spectral-energy distribution of stars in the Orion Belt. On the basis of our successful
ESO proposal (ID: 112.25JX, PI A. Oplǐstilová) for interferometric observations of δ, ε, ζ, σ
Ori with the world-class interferometer, the VLTI (the GRAVITY and PIONIER instru-
ments), one can construct well-constrained, complex models of stars in the Orion Belt.
After introducing the basics of long-baseline interferometry and presenting an overview
of the Orion complex, we present our models of δ Ori, published in Oplǐstilová et al.
(2023), and ε Ori (Oplǐstilová et al., 2025, submitted). We found that δ Ori (total mass
of 35.0 M⊙) is currently in the pre-mass-transfer evolutionary stage, and ε Ori (mass of
28.5 M⊙) is a significantly oblate supergiant due to its fast rotation. Our modelling led
to improvements and further development of our n-body modelling tools. We utilised
several general methods: i) two-step spectral disentangling, used to detect a spectrum of
a faint component in residuals, after disentangling bright components; ii) distance estima-
tion according to faint components of the multiple systems and a verification by diffuse
interstellar bands; iii) extensive mapping of χ2 in 2D and 3D, to find a compromise model
when using multi-data modelling.
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Introduction

Spectroscopy and interferometry are powerful and complementary techniques for advanc-
ing our understanding of the Universe. Using high-resolution spectroscopy we can resolve
fine details in velocity fields, achieving 0.1 m s−1 (Pepe et al., 2021). Long-baseline in-
terferometry, on the other hand, enables us to study sources on the angular scale of
the order of 1.0 mas or less (Eisenhauer et al., 2011). This is achieved using optical to
near-infrared wavelengths, 500 nm to ∼1.6 µm. It is particularly useful for observing hot
stars, binaries, and circumstellar medium. Such studies are carried out with well-known
interferometers such as VLTI (Schöller, 2007), CHARA (ten Brummelaar et al., 2005),
or NPOI (Armstrong et al., 1998). For comparison, sub-mm and radio interferometry,
operating at wavelengths between 0.1 mm and 100 m, reaches angular resolution between
10 mas and 100 mas and aims at cold protostars, disks, dust, and molecular clouds, with
arrays such as ALMA (Wootten & Thompson, 2009), SMA (Ho et al., 2004), or NOEMA
(Krips et al., 2022).

In this work, we focus on hot, massive stars (M > 8 M⊙). In a broader context, mas-
sive stars occur in star-forming regions, omnipresent in the Universe. Prominent examples
include the Galactic Centre, which hosts the most massive and dense star-forming region
in the Milky Way (Ciurlo & Morris, 2025). These young stars drive powerful winds and
inject enormous energy into the interstellar medium, influencing further star formation
and contributing to the turbulent environment near the central supermassive black hole,
Sgr A* (Balick & Brown, 1974). Another example of a star-forming region is the spectac-
ular pair of interacting galaxies, the Antennæ (NGC 4038/4039; Whitmore et al., 2010).
The overlapping regions of these galaxies host numerous super star clusters—probable
precursors to globular clusters—rich in massive stars. One of the most massive stars are
known to be located in the Tarantula Nebula (30 Dor) in the Large Magellanic Cloud, for
example R136a1, BAT99-98 with ≈ 200 M⊙ (Schneider et al., 2018; Kalari et al., 2022).
However, due to angular resolution limitations, it is only possible to study in detail mas-
sive stars that are relatively nearby; the LMC is 50 kpc away. An ideal region to study
massive stars should be somewhere close, within ≈ 0.4 kpc.

In the first section, we thus discuss the basics of optical interferometry, a very
powerful observing method for resolving multiple systems and studying multiplicity, the
key characteristic of massive stars. The second section outlines our nearest star-forming
region, which is full of nearby, massive stars, the Orion complex. In this context, we
focused on the Orion Belt stars and constructed comprehensive models for δ Ori and
ε Ori, presented in sections three and four, respectively. Each section includes its own
conclusions.
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Figure 1. from The Antennae Galaxies (NGC 4038/4039) Revisited: Advanced Camera for Surveys and NICMOS Observations of a Prototypical
Merger
WHITMORE ET AL. 2010 AJ 140 75 doi:10.1088/0004­6256/140/1/75
https://dx.doi.org/10.1088/0004­6256/140/1/75
© 2010. The American Astronomical Society. All rights reserved.

Figure 1: Antennæ Galaxies, taken from Whitmore et al. (2010).
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1. Optical interferometry

To expand the understanding of the Universe, astronomers need to unlock the fine de-
tails of celestial objects and phenomena that are often hidden at scales too small to be
resolved by conventional telescopes. Achieving this goal requires improving the resolution
of instruments, which is ultimately given by the diffraction limit, further influenced by
the atmosphere, and complicated by other imperfections in optical setups. The aberra-
tions are discussed elsewhere, e.g. Gu (2000); Hecht (2002); Smith (2008); Conrady (2013);
Kitchin (2020). Hereinafter, we focus on diffraction and seeing, as they significantly in-
fluence interferometric observations.

Diffraction The diffraction limit is the classical limit of angular resolution that a tele-
scope or microscope can achieve. In other words, it is the smallest angular separation
between two point sources (such as distant stars) that a telescope could theoretically dis-
tinguish if it were perfect and free of other distortions. Such a fundamental theoretical
constraint is due to the wave nature of light. However, there are some techniques that
allow going below these limits (Mugnier et al., 2004; Huang et al., 2009).

An observed star produces a diffraction pattern in the focal plane of a telescope, which
closely resembles the diffraction pattern of a point source; this pattern arises from the finite
size and shape of the telescope’s aperture. Such a diffraction pattern is called the Airy
pattern (Fig. 1.1). It consists of a central spot, the Airy disk, surrounded by concentric
rings with decreasing intensities. The Airy disk itself does not provide any information
about the size or shape of an observed object. Instead, it is inversely proportional to the
diameter of a telescope. The larger the diameter, the smaller the central spot, as well as
other rings in the Airy pattern. Also, since the signal is higher, the signal to noise ratio
is higher, and the number of easily recognisable rings is higher.

The Airy pattern corresponds to the point-spread function (PSF) of a telescope un-
der ideal, diffraction-limited conditions. Diffraction, nevertheless, blurs the ideal image,
preventing it from being infinitely sharp, even if lenses are without any aberrations. Even-
tually, observations are convolutions of an ideal image and the respective PSF.

To set the theoretical resolution limit for a telescope, we need to know when we can re-
solve two stars (point-like sources). The light from the second star will produce the same
diffraction pattern in the focal plane, shifted by the corresponding angular separation.
The sum of intensity patterns is shown in Fig. 1.1. As the separation increases, it be-
comes possible to distinguish the two stars (Fig. 1.1c), and such separation corresponds
to the angular resolution of a telescope. Although it depends on more factors, like rel-
ative brightness, the theoretical criterion for the separation defining when the stars are
just being resolved is the Rayleigh criterion

∆θ = 1.22 λ

d
, (1.1)

where λ denotes the wavelength; and d, the diameter of the telescopes’ aperture. The sep-
aration ∆θ is in radians.

According to Rayleigh’s criterion, two stars are considered resolved when the cen-
tral maximum of the diffraction pattern of one star coincides with the first minimum of
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Figure 1.1: Top row: Airy disk for a point-like object (the central spot has a diameter of
2.44 λ/d) and Airy disks of two such sources with different angular offsets. Bottom row: Cor-
responding intensity profiles of the Airy disks above as a function of the angular separation.
The second column represents the situation when two point-like objects are still unresolved ac-
cording to the definition (the Airy criterion), although we see that the PSF is not perfectly
spherical and can assume a two point-like objects; the third is just resolved (the Airy criterion
is met); and the fourth is well resolved. The data for the diffraction patterns are from Buscher
(2015).

the diffraction pattern of the other (Fig. 1.1c). The intensity of the Airy disk is dampened
by the Bessel function J1(kr sin θ), see Eq. (1.6.1), where k = 2π

λ
is the wavenumber; r,

the radius; and θ, the angular separation. It holds that J1(x) = 0 for x ≈ 3.8317. Using
the small-angle approximation for θ, we see that the factor of 1.22 is the first minimum
of the Bessel function J1(x) divided by π

θ ≈ 3.84
π

λ

d
. (1.2)

Therefore, the resolution can be improved by decreasing the wavelength or increasing
the size of the mirror. However, telescopes with diameters exceeding a few meters are
expensive and challenging to build; the heavy mirrors would deform and sag due to
the effects of gravity. To prevent mirrors with D > 4 m from sagging, the active optics
must be used to compensate for the bending. It enables the building of, for instance, 8.2-
m UTs telescopes of the Very Large Telescope Interferometer (VLTI). Another solution
is segmented mirrors. Such a kind is used for the Extremely Large Telescope (ELT) with
the primary mirror of 39 m, which achieve a diffraction limit of 3.2 mas in visible (V -band
0.5 µm), 7.7 mas in near-infrared (J-band 1.2 µm), or 22.3 mas in mid-infrared (L-band
3.45 µm). Nevertheless, even this, currently the largest mirror, is small to distinguish fine
details (< 2 mas) on a stellar surfaces, even for the closest stars.
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Figure 1.2: Effects of the Earth’s atmosphere on incoming planar wavefronts and their images.
Left panel: Incoming planar wavefronts are deformed as they pass through the Earth’s atmo-
sphere due to atmospheric turbulence. Right panels: A point source is then seen as a speckle
pattern due to the impact of the atmosphere, when we observe it for a few milliseconds (upper
figure). If we observe a point source with a longer exposure time (a few seconds), the speckles
are averaged over time, and we observe a seeing disk (lower figure). The data for the diffraction
patterns are from Buscher (2015).

Seeing The second complication during observation is the effect of the atmosphere, par-
ticularly atmospheric turbulence, known as seeing, which is addressed by the adaptive op-
tics (see Sect. 1.4). Planar wavefronts arriving from distant sources or stars turn into cor-
rugated wavefronts after going through Earth’s atmosphere, which is filled with turbulent
eddies; see Fig. 1.2. We use two parameters, Fried’s coherence length or the atmospheric
coherence time, for measuring the quality of optical transmission through the atmosphere
that is affected by random inhomogeneities in the atmosphere’s refractive index. Such
inhomogeneities blur the image, primarily due to small variations in density, and conse-
quently, in the refractive index n(ρ). The refractivity, n − 1, is proportional to ρ that is
proportional to p

T
, according to the gas law

n− 1 ∝ ρ ∝ p

T
. (1.3)

Assuming the standard temperature and pressure (15 ◦C and 1013.25 hPa) and the green
light, λ = 0.5 µm, the refractive index of air is n ≈ 1.000277 (Edlén, 1966). The relative
change of the refractivity corresponds to a negative relative change in temperature

∆(n− 1)
n− 1 ≈ −∆T

T
. (1.4)
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If the temperature is 15 ◦C, i.e. 288 K, and the change is ∆T = 0.01 K, then

∆n ≈ −0.01
288 · 2.77 · 10−4 = −9.6 · 10−9. (1.5)

Therefore, the change of 0.01 K in temperature leads to the change of 10−8 in the refractive
index. Now consider the corresponding change in phase given by

∆Φ = 2π

λ
∆OPL = 2π

λ
L ∆n, (1.6)

where OPL is the optical path length; and L, the physical path length, i.e. the thickness
of the turbulent layer, which matters, of the order of 100 m (the near-surface layer). This
expression shows that shorter wavelengths are more affected than the longer ones, like
infrared. For the given example, the change in phase is

∆Φ = 2π

500 · 10−9 · 100 · 10−8 = 12.6 rad, (1.7)

which is a substantial phase distortion. The corresponding optical path difference is

∆OPL = λ

2π
∆Φ = 500 · 10−9

2π
· 12.6 ≈ 10 · 10−1 m = 1 µm. (1.8)

Therefore, even such small changes in T leads to optical phase differences significantly
degrading image quality. Nevertheless, one can be ‘lucky’ and the ∆OPL can be smaller,
which is the principle of lucky imaging.

Fried’s parameter Fried’s parameter (or coherence length), denoted by r0, describes
the extent of turbulence, and therefore, the seeing conditions for astronomical observa-
tions. It is defined as the diameter of a circular patch of the incoming wavefront with
a phase variance of 1 rad2. It indicates the maximum area of the telescope’s mirror over
which the atmosphere does not significantly distort the incoming light, allowing for sharp
imaging. The Fried’s parameter has units of length and is usually given in centimetres.
The larger the parameter, the larger the characteristic size of turbulence is, which is bet-
ter; one can achieve a better resolution. If the turbulent eddies are small, the observations
are difficult. A few centimetres indicate poor seeing, more than twenty centimetres means
excellent seeing. If telescope’s aperture is smaller than r0, then the image is primarily
limited by the diffraction limit, and the impact of the atmosphere is negligible. If a tele-
scope is larger than r0, then the image becomes limited by atmospheric turbulence and
appears blurry. The formula expressing r0 is (Buscher, 2015)

r0 =
(︃

0.423 k2 (cos ζ)−1
∫︂

C2
n (h) dh

)︃− 3
5

, (1.9)

where k = 2π
λ

is the wavenumber; ζ, the zenith angle; and C2
n (h), the atmospheric tur-

bulence strength, which is a function of temperature fluctuations and turbulence along
the starlight path at height h. Note that r0 ∝ λ

6
5 implies that turbulence becomes less

significant at longer wavelengths. That is one of the reasons why infrared interferometry
is easier than interferometry in the visible spectral range, where the turbulence scale is
smaller, making corrections more challenging.
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Figure 1.3: Gauss function in 1D and 2D. The Gauss function represents a suitable approxima-
tion of the PSF, the intensity profile seen for a seeing disk in a telescope. The seeing value 0.49
of normalised intensity is marked. This value corresponds to the full width at half maximum of
the PSF of a point-source, as seen through a telescope. The spatial frequency α is in the units
of wavelength λ per Fried’s parameter r0.

Coherence time The atmospheric coherence time τ0 characterises how fast the atmo-
sphere changes from the point of view of a telescope. It is the time when the turbulence
in the atmosphere stays roughly the same (coherent). It is defined as the time difference
when the root mean square phase fluctuations at a single point have a value of 1 rad. If
τ0 is large (about 10–20 ms), the atmosphere changes slowly, which is suitable for long ex-
posures or adaptive optics. If τ0 is small (about 1–5 ms), the atmosphere changes quickly,
and the distortion blurs the image faster. The formula for the atmospheric coherence time
is (Buscher, 2015)

τ0 = 0.314 r0

v
=
(︃

2.91 k2
∫︂

C2
n (h) v

5
3 dh

)︃− 3
5

, (1.10)

where v is the effective transverse wind speed that transports the turbulence. Note that
atmospheric coherence time is related to the Fried parameter r0.

Due to atmospheric effects, we usually do not see the Airy disk. If we observe with
a telescope larger than r0 and use a short exposure of the order of milliseconds, we see
a smeared-out image called a speckle pattern (upper right panel of Fig. 1.2). The speckle
pattern consists of many spots (‘speckles’), and their number roughly corresponds to
the number of coherence patches of size r0 across the telescope’s aperture. For longer ex-
posures (a few seconds), we observe a seeing disk (bottom right panel of Fig. 1.2) resulting
from the time-averaged superposition of many speckles. The intensity profile of a seeing
disk, PSF, can be approximated by the Gauss function, see Fig. 1.3.

The full width at half maximum of the PSF, as observed in a telescope, serves as
an indicator of atmospheric blurring, commonly referred to as ‘seeing’ and measured in
arcseconds. Seeing is given as the FWHM of the PSF

θseeing = FWHMseeing = 0.98 λ

r0
. (1.11)

It is related to the Fried parameter r0 and tells us how much a point source (e.g. a star) is
broadened due to turbulence. Fig. 1.3 illustrates the region where the seeing is measured.
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Observers at VLTI use Eq. (1.11) to quantify observational quality by seeing, whereas
at CHARA, they use the Fried parameter r0 directly. For instance, if we observe with
a wavelength of 550 nm and the Fried parameter is 10 cm (mediocre observing conditions),
we obtain a seeing in arcseconds

FWHMseeing = 0.98 · 5.5 · 10−7

0.1 rad = 1.11 arcsec.

A larger r0 indicates better seeing, corresponding to a smaller FWHM of the PSF.

There are four fundamental methods to reach the diffraction limit and suppress the im-
pact of the atmosphere:

1. Aperture masking, will be mentioned in Sect. 1.1.

2. Lucky imaging records many short-exposure images, with timescales comparable to
or shorter than the coherence time τ0. Occasionally, some images are sharper due to
brief instants of reduced atmospheric turbulence1. Alternatively, one can use a large
set of short-exposure speckle patterns, compute their power spectrum via Fourier
analysis, and combine the information to reconstruct a high-resolution image.

3. Adaptive optics is used the most broadly nowadays. Further details on this technique
will be discussed in Sect. 1.4.

4. Deconvolution (Vernazza et al., 2021) is a mathematical process used to reverse the
effects of convolution in recorded data. In imaging, the observed image O can be
modelled as

O = I ∗ PSF + N, (1.12)
where I is the ideal image; PSF, the PSF; and N , the noise. Using deconvolution
enables a (partial) recovery of the ideal image I.

The technique that enables astronomers to overcome the diffraction limit is called
interferometry. The very word ‘interferometry’ is derived from interfero (meaning ‘in-
terference’) and metron (meaning ‘measurement’). In astronomy, it refers to measuring
stellar properties via the interference of light (i.e. mutual influence of two waves) re-
ceived from stars or other objects. This technique enables microarcsecond resolution (e.g.
Schöller, 2007; Khodadi et al., 2024), allowing astronomers to measure orbits of close bina-
ries, stellar and circumstellar disk diameters, surface features, and complex circumstellar
structures.

A recent milestone in angular resolution (in sub-mm interferometry) was the imaging
of the black hole’s shadow and surrounding emission in M87* (Akiyama et al., 2019) and
later Sgr A* (Akiyama et al., 2022). The measurements were made by the Event Horizon
Telescope (EHT), using the technique of Very Long Baseline Interferometry (VLBI), which
links together radio telescopes around the globe, forming an Earth-sized virtual telescope.
This approach enabled an unprecedented resolution of θ ≈ 10 µas at a wavelength of
λ = 1.3 mm.

1Actually, a conceptual precursor was used by Galileo Galilei, who in 1613 relied on the human eye’s
natural ‘short exposures’ to mentally integrate clearer views of sunspots (Galilei, 1613)
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Figure 1.4: Hippolyte Fizeau (1819–1896) and his original drawing of a lens with aperture
mask allowing performing interferometric measurement. Taken from Trégon (2020–2025).

1.1 Brief history
In 1868, Hippolyte Fizeau, a French physicist famous for measuring the speed of light,

introduced the concept of stellar interferometry as a double-slit experiment (Fizeau, 1868).
He proposed observing stars through two apertures (see Fig. 1.4) to get inferences that
would provide him with a spatial distribution of the intensity.

Six years later, the director of the Marseille Observatory, Édouard Jean-Marie Stephan,
first tested this method and derived upper limits for stellar diameters. For this purpose,
he converted the 80-cm telescope at the Marseille Observatory into an interferometer
(Stephan, 1874). This reflector was the largest in the world at that time. He masked
the aperture to get two identical smaller apertures with the largest possible separation on
the edges. With such an equipment, he observed fringes (‘franges’ in French original) for
several stars and estimated an upper limit of their diameters. With this technique, known
as aperture masking, É. Stephan achieved the use of a single telescope as an interferometer
for the first time.

Albert A. Michelson proved that this method is efficient when he measured Jupiter’s
satellites. Their diameters were already determined by other methods, and he obtained
excellent agreement. He predicted the results not only for uniform disks and but also
for limb-darkened disks, according to a model developed to describe the Sun’s intensity
profile. One of his major contributions was the Michelson stellar interferometer. He used
the instrument to measure the diameter of α Ori, Betelgeuse, to be 47 mas (Michelson
& Pease, 1921). The larger the observed object, the more it blurs the interferometric
fringes, allowing its angular size to be estimated from the extent of this blurring. They
used a pair of mirrors to form the two apertures of the interferometer and observed fringes
for different separations of these mirrors. The separation at which the fringes disappeared,

→ 13 ←



Figure 1.5: Michelson interferometer with a baseline of 20 ft on the 2.5m Hooker Telescope,
Mount Wilson Observatory. Taken from Surdej (2019).

Bnull, provides the angular diameter according to

θ = 1.22 λ

Bnull
, (1.13)

which is discussed further in Sect. 1.6.4. They used visible light with the wavelength of
500 nm; thus, the fringes should disappear at a separation of

Bnull = 1.22 λ

θ
= 1.22 · 500 · 10−9

47 mas = 2.7 m. (1.14)

They subsequently measured diameters of six additional stars with a baseline of 20 ft (see
Fig. 1.5) and one star using a baseline of 50 ft (Pease, 1931).

Hanbury Brown (1956) came up with the next milestone, the intensity interferome-
ter, which relies on intensity correlations rather than wavefront phase, which makes this
method largely immune to atmospheric fluctuations. It was possible to measure diameters
of several bright stars with this instrument (Hanbury Brown et al., 1974).

Labeyrie (1975) demonstrated the interference between two telescopes separated by
13.8 m as the basis for modern optical interferometry. They compensated the optical path
difference by mechanical alignment. Since then, many research groups and observatories
have worked toward building interferometers with increasingly large baselines to achieve
higher angular resolution, leading to instruments such as SUSI (the Sydney University
Stellar Interferometer; Davis, 1994), the Mark III (Shao et al., 1988), followed by the Navy
Prototype Optical Interferometer (NPOI; Armstrong et al., 1998), the Palomar Testbed
Interferometer (PTI; Colavita et al., 1999), and Grand Interféromètre à 2 Télescopes
(GI2T; Tallon-Bosc et al., 1994) interferometer on Plateau de Calern (Mourard et al.,
1994). The delay line carriage used for GI2T was later used for CHARA, and the expe-
rience gained led to the development of the Very Large Telescope Interferometer (VLTI;
Schöller, 2007).

→ 14 ←



S2

S1

P

z1

D

„r1

„r2

„r

B

δ

x

αα
′

Figure 1.6: Diagram of Young’s double-slit experiment. A monochromatic wave arrives at the
angle α′ on two slits S1 and S2 separated by distance B. Each slit then becomes a source of
spherical waves that propagates on the screen into the distance of D. Their path difference is
δ. In the point P under the angle α, they interfere with each other. On a screen placed beyond
the slits, the interference produces a pattern of alternating bright and dark fringes. Inspired by
Millour (2008).

1.2 Young’s double-slit experiment
The fundamental mathematical description of interferometry can be illustrated by

Thomas Young’s double-slit experiment, first performed in 1801 (Young, 1804). This ex-
periment demonstrated the wave nature of light through the appearance of an interference
pattern.

A schema of the experiment is shown in Fig. 1.6. Monochromatic light from a distant
point source offset from the axis by the angle α′ on two narrow, closely spaced slits
at points S1 and S2, separated by the distance of B (purple). According to Huygens’
principle (Huygens, 1690), each slit acts as a coherent source of spherical wavefronts,
which interfere on the screen, located at the distance of D. We will derive the intensity
at point P, offset from the axis z1 by the angle of α and located at a lateral displacement
x (red). The vectors r⃗1 and r⃗2 show the paths from points S1 and S2 to point P, whereas
their path difference is δ = ||S2P| − |S1P|| ≈ sin α and sin α = δ

B
(blue). The vector r⃗

is connecting the center between the slits and point P and determines the angle α under
which we observe the interference pattern at point P. The waves interfere on the screen
in two ways:

1. constructively—show bright fringes on the screen, they are in phase (both reach
maximum or minimum at the same time), their path difference δ is an integer
multiple of their wavelength, i.e. λk, where k = 0,±1,±2,±3, . . . ; or

2. destructively—show dark fringes on the screen, they are in anti-phase (the darkest
fringe is when one has maximum while the other has minimum), their path difference
δ is an odd multiple of half the wavelength, i.e. δ = 1

2(2k + 1)λ, where again
k = 0,±1,±2,±3, . . . .
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The positions of bright fringes with respect to x are determined using similar triangles.
If the angle α is small, it applies also at point S2; thus, δ = B sin α = kλ, taking into
account the condition for constructive interference. From the triangle with sides rxz1,
using the small angle approximation, sin α ≈ tan α ≈ x

D
. By substituting the relations,

we obtain the positions of the bright fringes as

x = kλD

B
. (1.15)

To derive the intensity on the screen at point P, let us represent a flat monochro-
matic electromagnetic wave by a dimensionless disturbance D⃗, meaning either E⃗ or B⃗.
The disturbance in the complex notation is (Brož & Wolf, 2017)

D(r⃗, t) = D0 e−i(ωt−k⃗·r⃗) = D(r⃗) e−iωt, (1.16)

where the angular frequency is ω = 2πc
λ

and the wave vector is k⃗ = 2π
λ

k̂. According
to the Huygens principle, the sum of two spherical wavefronts (complex amplitudes) on
the screen at the distance of z1 is

D(r⃗) = D(r⃗1) + D(r⃗2) = D0

r1
e−ik·r1 + D0

r2
e−ik·r2 ≈ D0

z1

(︂
eikr1 + eikr2

)︂
=

= D0

z1
eikr1

(︂
1 + eik(r2−r1)

)︂
.

(1.17)

On the screen, we observe the flux given by the Poynting vector S⃗ = E⃗ × H⃗, where E⃗ is
the electric field vector and H⃗ is the magnetic field’s auxiliary field vector. After averaging
and computing the square (‘intensity’), we get

I(r⃗) ≡ ⟨DD∗⟩ =
[︃
D0

z1
eikr1

(︂
1 + eik(r2−r1)

)︂]︃ [︃D∗
0

z1
e−ikr1

(︂
1 + e−ik(r2−r1)

)︂]︃
=

= D2
0

z2
1

[︂
(1 + e−ik(r2−r1) + eik(r2−r1) + 1

]︂
=

= D2
0

z2
1
{2 + cos [k(r1 − r2)] + i sin [k(r1 − r2)] + cos [k(r2 − r1)] + i sin [k(r2 − r1)]} =

= D2
0

z2
1
{2 + 2 cos [k(r1 − r2)]} = 2 · D

2
0

z2
1
{1 + cos [k(r1 − r2)]}.

(1.18)
The asterisk ∗ denotes the complex conjugation. By denoting the factor before parenthesis
I0 and rewriting the argument of the cosine function as the path difference in α, we get

I(α) = I0 [1 + cos(kαB)] . (1.19)

It is the simplest case, stating the intensity at the location offset from the axis of the slits.
If the monochromatic wave impinges at the angle of α′, then

I(α, α′) = I0{1 + cos [k(α + α′)B]}. (1.20)

Based on Eq. (1.20), Fig. 1.7 displays the four basic intensity patterns we can see in
Young’s double-slit experiment.
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Figure 1.7: Normalised intensities of basic sources in Young’s double-slit experiment based
on Eq. (1.20). The pinhole separation (the baseline) is 5 cm for all cases. From upper left:
I) Point source and monochromatic light (λ = 650 nm); II) Point source and polychromatic light
(λ ∈ [550, 600, 650] nm); III) Extended source of 1 arcsec and monochromatic light (λ = 650 nm);
IV) Extended source of 1 arcsec and polychromatic light (λ ∈ [550, 600, 650] nm). The contrast
of the fringes is therefore reduced due to temporal coherence in the case of larger band-width
and due to spatial coherence when the source is extended. Inspired by Glindemann (2013).
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1. A point source (located at α′ = 0) emitting a monochromatic light results in a cosine
function on the screen, see top left panel. The distance between the maxima of this
function is given by λ

B
.

2. A point source emitting a polychromatic light results in a cosine function with
decreasing amplitude with the distance from the central (white) fringe, see top
right panel. Increasing wavelength range λ makes the monochromatic fringes more
and more distant and less coherent.

3. An extended source (non-zero intensities at various angles α′) emitting a monochro-
matic light under different angles results in a cosine function with reduced ampli-
tude. Light waves coming from different directions shift the cosine function, but
with the same shift, independent of the distance from the central (white) fringe.

4. An extended source emitting a polychromatic light is a combination of the previous
cases. It results in a cosine function with reduced amplitude at the centre and
moreover decreasing amplitude with distance.

1.3 Complex visibility vs source intensity
To describe the contrast of fringes, we use the quantity called visibility, which quantifies

the contrast between the maximum and minimum intensity of fringes as

V = Imax − Imin

Imax + Imin
. (1.21)

The visibility is the most important quantity in interferometry. To clarify the nomencla-
ture, there is also the complex visibility µ, which extends the concept of fringe visibility to
include information about the phase of fringes, alongside with their contrast. The absolute
value of complex visibility |µ| is the real visibility V

V = |µ|. (1.22)

To get the intensity on the screen, we have to integrate the intensity of an extended
source, given by Eq. (1.20), over the angle α′

I(α) =
∫︂

I(α, α′) dα′ =
∫︂

I(α′) dα′ +
∫︂

I(α′) cos[k(α + α′)B] dα′ =

= I0 + ℜ
[︃
eikαB

∫︂
I(α′) eikα′B dα′

]︃
.

(1.23)

This brings us to the van Cittert-Zernike theorem (van Cittert, 1934; Zernike, 1938).

The complex visibility is the Fourier transform of the angular intensity distribution
of an extended, monochromatic, spatially incoherent source

µ(B) ≡
∫︁

I(α′) e−ikα′Bdα′

I0
. (1.24)
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The assumption of ‘spatially incoherent source’ means that waves arriving from individual
locations within a source are random, they were not emitted in phase or in anti-phase.

By identifying Eq. (1.24) in Eq. (1.23), the respective intensity on the screen is a cos-
inusoidal, fringe pattern given by

I(α) = I0
{︂

1 + ℜ
[︂
µ(B) eikαB

]︂}︂
. (1.25)

Alternatively, the complex visibility can be calculated as the normalised coherent flux2

µ = F (B)
F (0) , (1.26)

where the coherent flux is defined as

F (B) ≡
∫︂ ∞

−∞
I(α′) e−ikα′B dα′. (1.27)

The coherent flux and the complex visibility contain essentially the same information but
have different advantages. The coherent flux, being a linear function of the brightness
distribution, is more useful mathematically. For example, it is additive: the coherent flux
of a system composed of two sources is simply the sum of their individual coherent fluxes.
On the other hand, normalised complex visibility is obtained by dividing the complex
visibility by the total flux. The key advantage of this normalisation is that it removes
sensitivity to the source’s total intensity. As a result, objects with the same spatial
structure but different total fluxes have the same normalised visibility.

Vector notation For 2D sources, Eqs. (1.24) and (1.25) can be written in vector nota-
tion as

µ(B⃗) =
∫︁

I(α⃗′) e−ikα⃗′·B⃗dα⃗′

I0
, (1.28)

I(α⃗) = I0
{︂

1 + ℜ
[︂
µ(B⃗) eikα⃗·B⃗

]︂}︂
. (1.29)

(u, v) notation Another option is to define

(u, v) ≡ B⃗

λ
, (1.30)

µ(u, v) =
∫︁∫︁

I(x, y) e−2πi(ux+vy) dx dy

I0
, (1.31)

and interpret u, v as spatial frequencies, in ‘cycles per baseline’ units.

1.4 Interferometers
Let us now compare the angular resolution of a single telescope with an interferometer.

The single telescope has a diffraction limit in radians (Kitchin, 2020)

∆θT = 1.22 λ

D
. (1.32)

2sometimes called correlated flux, mutual intensity, or mutual coherence

→ 19 ←



Larger telescopes, with larger aperture stop (diameter) D, provide smaller diffraction
limits. For instance, let us consider the Extremely Large Telescope (ELT) on Cerro
Armazones in Chile. It is currently under construction and, as of July 2025, it is the largest
ground-based, optical telescope. Its inherent (neglecting atmosphere) angular resolution
in median performance wavelength (0.4-14 µm) is

∆θT = 1.22 · 0.8 · 10−6

39.3 rad ≈ 6.2 mas.

For comparison, the diffraction limit of an interferometer, which combines light coming
from two or more telescopes, is

∆ θI = λ

B
, (1.33)

where B stands for the baseline, the separation of two telescopes in the interferometer. For
instance, the Very Large Telescope Interferometer on Cerro Paranal in Chile can achieve
B = 130 m among the Unit Telescopes (UTs) and B = 200 m among the Auxiliary
Telescopes (ATs). Then, the angular resolution from the previous example would be
significantly improved

∆θI = 0.8 · 10−6

200 rad ≈ 0.8 mas.

Therefore, long-baseline interferometry provides the only way to achieve higher resolu-
tion without the need to build enormous telescopes that are technically (and financially)
unfeasible.

Interferometers collect light from a single, small region of the sky at two or more
locations (apertures, telescopes) and bring the light beams collected at each telescope
to a beam combiner, where the light beams interfere and form an interference pattern
(fringes). A basic interferometer is shown in Fig. 1.8. It consists of one or more pairs of
light collectors (siderostats, telescopes, etc.) that form a baseline B⃗ = P⃗ 2 − P⃗ 1, where
the collectors are situated at positions P⃗ 1 and P⃗ 2. The distance |B⃗| between them is
typically hundreds of meters, much larger than the diameter of a collector. The wavefronts
collected by the siderostats or telescopes are distorted by the atmospheric turbulence and
are thus sent to an adaptive-optics system (Fig. 1.8, upper right). The correcting elements
are placed close to the siderostats because the largest aberrations must be corrected before
the light come toward the beam combiner.

In the adaptive-optics system, the incoming wavefront from a source is split between
a wavefront sensor and a scientific camera. The wavefront sensor, e.g. Hartman-Shack
(Pretheesh Kumar & Ganesan, 2022), measures distortions caused by atmospheric turbu-
lence. To characterise how the system responds to different types of wavefront distortions,
a calibration process must be performed. During this process, a known set of wavefront
perturbations is applied to the deformable mirror. For each applied mode, the wave-
front sensor records the resulting ‘echo’. These data are used to construct the system’s
interaction matrix, which maps deformable mirror actuator inputs to wavefront sensor
outputs.

To correct for an arbitrarily distorted wavefront in real time, the interaction matrix is
inverted, yielding the reconstruction matrix. This matrix allows computing the required
deformable mirror actuators from the current wavefront sensor measurements. During
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operation, the wavefront sensor continuously monitors the distortions in the reference
source’s wavefront. These measurements are multiplied by the reconstruction matrix to
actuate the appropriate adaptive element. The deformable mirror adjusts its surface in
real time to compensate for the current atmospheric distortions.

Corrected, less distorted wavefronts continue toward the interferometer. They are
brought to the beam combiner and detector using a series of mirrors and delay lines,
which serve to control the relative delays between the light beams coming from different
collectors (e.g. Earth rotation, vibrations of the system or due to the environment),
in order to produce coherent fringes. However, the perfect control of all vibrations is
impossible; thus, the fringe trackers are used (e.g. Menu et al., 2012).

Adaptive optics systems differ for different instruments. The above description is only
one of the concepts. The most common variation is having only a tip-tilt mirror instead
of a deformable mirror. While the deformable mirror corrects higher-order aberrations,
complex distortions across the wavefront caused by atmospheric turbulence, the tip-tilt
corrects only the lowest-order aberration, overall angular motion of the wavefront such as
image motion, including jitter. All long-baseline interferometers have adaptive optics, at
least at the level of a tip-tilt correction.

This technique solves the challenges caused by the atmosphere, however, other factors
may ruin the appearance of fringes. When light from one collector is blocked or when
the beams fail to interfere, the fringes disappear, and we see only a uniformly illuminated
Airy disk, like the one with |V | = 0 in Fig. 1.8.

The condition for the interference is the temporal coherence for the combination of
beams. The beams must maintain constant phase delay over time; specifically, the phase
shift between the beams must be smaller than the wavelength of incoming light. Mov-
able delay lines serve this purpose. They optimise the optical path difference (OPD)
to compensate for the geometrical delay from the position of the telescopes |B0| cos φ
and to achieve an appropriate phase shift. For optical interferometers, the precision of
the optical path needs to be on the order of tens of nanometers; otherwise, the beams
will not produce interference fringes. The precision of the setting can be more relaxed
for interferometers using longer wavelengths. To conclude, producing interference fringes
with an interferometer is certainly challenging.

1.5 Fringe analysis
By analysing interferometric fringes, we can recover information about the size, shape,

or structure of a source. The aim is either to model or to reconstruct the intensity
distribution of a source. The reconstruction of the intensity distribution is stated in the
inverse version of the van Cittert-Zernike theorem:

For an extended, monochromatic, spatially incoherent source, the angular intensity
distribution of the source is the inverse Fourier transform of the complex visibility

I(x, y) =
∫︂∫︂

µ(u, v) e2πi(ux + vy) du dv. (1.34)
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¶V¶ = 1.00 ¶V¶ = 0.75 ¶V¶ = 0.50 ¶V¶ = 0.25 ¶V¶ = 0.10 ¶V¶ = 0.00

Figure 1.8: Basic optical interferometer setup. Two siderostat mirrors collect starlight. Inter-
ferometers aiming for fainter targets, have larger telescopes instead of siderostats. Wavefronts
distorted by atmosphere pass through adaptive optics systems, which correct them before recom-
bination. The light beams are combined after delay lines carefully adjust optical path difference
(OPD) so that they interfere. This creates a pattern of bright and dark fringes on the detector,
aligned perpendicular to the baseline between the telescopes. The contrast is expressed by the
visibility; several example values of the visibility |V | are shown. Inspired by Buscher (2015).
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The exponentials e2πi(ux+vy) represent cosinusoidal (and sinusoidal) waves, Fourier modes.
Each Fourier component has a spatial frequency (how fast it oscillates), amplitude (how
strong it is), and a phase (where it starts). The complex visibility µ is what interferometers
measure. Its amplitude, the real visibility V = |µ|, defined by Eq. (1.21), tells us how much
of a particular cosinusoidal wave is present in the source. In other words, it is obvious
that the intensity distribution is mathematically treated as an infinite superposition of
cosine and sine waves, scaled by the complex visibility.

There are two main quantities we need to extract from the fringes: the visibility (the
contrast) and the phase (the shift). On the other hand, the spacing of the fringes is not
related to the size, shape, or structure of the source. Instead, it is related to the way we
combine the beams. We can extract this information by modelling the complex visibility,
or using Fourier imaging, i.e. Eq. (1.34) directly. The approach depends on the obtained
number of measurements and on the coverage of the so-called uv-plane.

A uv-plane is a plane in the Fourier space3. All interferometers measure the Fourier
transform of the source intensity distribution, i.e. in the Fourier space. They map the
brightness distribution on the sky, described by the vector α⃗′ = (x, y, z), from the tangent
plane into the projected baseline vectors B⃗ = λ(u, v, w) in the uv-plane. For small fields
of view, we can omit the third dimension, hence B⃗ · α⃗′ = λ (ux + vy).

We can understand the (u, v) coordinates in two ways. The first one is geometrical,
the uv-plane represents the projection of telescopes’ baselines to the tangent plane

(u, v) = 1
λ

(Bx, By) . (1.35)

The second way of understanding (u, v) is to realise that B⃗/λ is the spatial frequency in
the Fourier transform, sampled by baselines B⃗. Spatial frequencies describe how many cy-
cles occur per baselines. Longer baselines sample higher frequencies (finer spatial scales).
If a spatial frequency is higher, one can detect finer details. Since each (u, v) point cor-
responds to only one Fourier component with given spatial frequencies, it is necessary to
measure many different baselines.

Given an array composed of n telescopes, we obtain n(n−1)
2 baselines and n(n − 1)

points in the uv-plane. For instance, for six telescopes, we have 15 baselines. We also
obtain symmetric points at opposite u and v, which are the complex conjugates of the cor-
responding positive points. This arises from the Hermitian symmetry property inherent
to all visibility. It holds that

µ(B⃗) = µ∗(−B⃗), (1.36)
where ∗ denotes the complex conjugate. Another point of view is that it arises from
the fact that the same pair of telescopes (1 and 2, 2 and 1) can be equally well used to
give a baseline vector in the opposite direction and B12⃗ = −B21⃗ . The only difference when
interchanging the telescope order is the direction of fringe displacement: a positive phase
change becomes negative. For six telescopes, we therefore obtain 30 points in total in
the uv-plane. The required uv-coverage depends on the scientific goals of the observation.

3also called an aperture plane
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Figure 1.9: Different projected baselines resulting from the Earth’s rotation and an example of
a uv-plane coverage obtained using this technique. Lower panel: As a star moves, the projected
baselines are different and correspond to different (u, v) points. One measurement with a par-
ticular projected baseline |B⃗0| sin φ adds one point to the uv-plane. Top panel: An example of
the uv-plane coverage obtained by ‘Earth rotation synthesis’.

Supersynthesis The van Cittern-Zernike theorem implies that if we measure the com-
plex visibility for all baselines B⃗ = λ(u, v), we can reconstruct the intensity distribution of
the source using the inverse Fourier transform. The most common and powerful method
to cover the uv-plane, especially for imaging, is to use Earth rotation synthesis (or ‘su-
persynthesis’). We subsequently obtain measurements with different projected baselines
(see Fig. 1.8), because a projected baseline changes when the star moves across the sky,
see Fig. 1.9. The uv-plane coverage also increases with more and more telescopes (base-
lines). The combination of the two is known as aperture synthesis. Further improvement
is done by using more spectral channels as the unit of u, v is cycles per baseline, by
a reconfiguration of telescopes, or by both.

Imaging vs modelling For a reconstruction of an image, we need to have a dense
coverage of the uv plane. Only this allows us to apply the inverse Fourier transform
on the complex visibility (though some gaps in the uv plane and assumptions remain
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unavoidable) and obtain a reconstructed image of the observed source. This method is
called Fourier imaging.

An alternative approach that does not require so dense coverage of the uv-plane is
modelling of the visibility V (B⃗). We need fewer measurements, values of the real visibility,
with respect to projected baselines. Having them, we can determine the angular size of
a source by fitting the visibility V (B⃗), as a function of a baseline. The difficulty is that
this function varies for different types of sources, see Sect. 1.6. So, we need to correctly
assume the nature of the observed source.

1.6 Visibility functions of various sources
As discussed in Sect. 1.5, the complex or real visibility differ with the nature of observed

sources. This section shows the visibility dependences of various sources.

1.6.1 Bessel function

The visibility often includes special functions like the Bessel function. Bessel functions
naturally arise when describing diffraction or interference patterns when integrating over
circularly symmetric apertures. They are a family of solutions to Bessel’s differential
equation, which appears with circular or cylindrical symmetry

z2 d2 y

d z2 + x
d y

d z
+ (z2 − n2)y = 0. (1.37)

The general Bessel function of order n is defined as

Jn(z) = 1
π

π∫︂
0

cos(z sin θ − nθ) dθ. (1.38)

Specifically, the Bessel function of order zero J0 is even

J0(z) = 1
π

π∫︂
0

cos(z sin θ) dθ = 1
π

cos(z cos θ) dθ, (1.39)

while the Bessel function of order one J1 is odd

J1(z) = 1
π

π∫︂
0

cos θ sin(z cos θ) dθ = 1
π

π∫︂
0

cos(θ−z sin θ) dθ = 1
π

π∫︂
0

cos(z sin θ−θ) dθ; (1.40)

see Fig. 1.10. It also holds that
lim
z→0

J1(z)
z

= 1
2 . (1.41)

1.6.2 Point source

The simplest object that can be observed is a single, point-like source (i.e. unresolved
source), e.g. a star with the angular diameter much smaller than the interferometer’s
resolution. The intensity of such a source is represented by the Dirac δ-function, Eq. (1.81),

I(α⃗′) = I0 δ(α⃗′ − α⃗′
0), (1.42)
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Figure 1.10: Bessel function of order zero J0(x) and one J1(x).

where α⃗′
0 is the angular position of the source. Its Fourier transform is the complex

exponential function Eq. (1.82); thus, the coherent flux is

F (B⃗) = I0 eikα⃗′
0·B⃗ (1.43)

and after normalisation, we have

µ(B⃗) = eikα⃗′
0·B⃗. (1.44)

Therefore, |V (B⃗)| = µ = 1 + 0i = 1, which implies that the fringe contrast is unity and
independent of the baseline length or orientation.

1.6.3 Binary

For a binary star system, the linearity of the Fourier transform Eq. (1.76) is used.
Owing to this property, the coherent flux observed for two stars is the sum of the coherent
fluxes for each star observed separately. If both stars are unresolved (θ ≪ λ

Bmax
), i.e. point-

like sources, and if the first one lies at the phase centre, while the second is offset by α⃗0,
their ratio of intensities is Irel = I1

I0
, then, their brightness distribution is given by

I = I0[δ(α⃗′) + Irel δ(α⃗′ − α⃗′
0)], (1.45)

the total coherent flux is given by the Fourier transform, Eq. (1.43),

F (B⃗) = F0 + F1eikα⃗′
0·B⃗, (1.46)

and the complex visibility µ according to Eq. (1.24) is the modulus of the normalised
coherent flux

V =
⃓⃓⃓⃓
⃓⃓1 + Irel e−ikα⃗′

0·B⃗

1 + Irel

⃓⃓⃓⃓
⃓⃓ =

√︂
(1 + Irel e−ikα⃗′

0·B⃗)(1 + Irel eikα⃗′
0·B⃗)

1 + Irel
. (1.47)

We used the fact that the denominator is always larger than zero and the complex modulus
identity |z| =

√
zz∗. After applying the trigonometric identity for the cosine function
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Figure 1.11: Behaviour of interferometric quantities for a binary system. Left: Complex
visibility modulus |µ(B⃗)|. Right: complex visibility phase arg[µ(B⃗)]. The flux of the secondary
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2 , we obtain the real visibility for a binary

V =

√︂
1 + I2

rel + 2Irel cos(kα⃗′
0 · B⃗)

1 + Irel
. (1.48)

An example is shown in Fig. 1.11.

We can represent coherent fluxes in the Argand diagram, see Fig. 1.12. The coherent
flux of the primary star without any offset is a vector F⃗ 0 and lies along the direction of
the real axis. Its imaginary part is zero, since it has no angular offset. The vector of
the secondary star with a non-zero offset F⃗ 1 rotates in the complex plane with changing
(u, v) coordinates. The vector F⃗ representing the flux of the binary is the vectorial sum
of vectors F⃗ 0 and F1⃗ . Its length ranges from the minimal value of F0−F1 to the maximal
value of F0 + F1 (assuming F0 > F1). Therefore, the visibility modulus oscillates between
F0−F1
F0+F1

and 1. The phase oscillations reaches its maximum when the vector F⃗ is tangent
to the circular locus traced by the rotating vector F⃗ 1. The maximum phase is thus
arcsin

(︂
F1
F0

)︂
.
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1.6.4 Uniform disk

The brightness distribution of stars is sometimes approximated as a uniform disk.
The intensity of a uniform disk with the angular diameter θ is I = 4

πθ2 for the angle α′ < θ
2 ,

otherwise I = 0. Let us compute a Fourier transform from (x, y) angular coordinates to
the spatial frequencies (u, v)

µ(u, v) = F {f(x, y)} =
∞∫︂

−∞

∞∫︂
−∞

f(x, y) e2πiux e2πivy dx dy =

=
∞∫︂

−∞

∞∫︂
−∞

f(x, y) e2πi(ux+vy) dx dy.

(1.49)

For the calculation of the scalar product B⃗ · α⃗′ = (ux + vy), we use polar coordinates,
i.e. x = r cos φ, y = r sin φ and u = ρ cos Φ, v = ρ sin Φ

ux + vy = ρr(cos Φ cos φ + sin Φ sin φ) = ρr cos(Φ− φ). (1.50)

With the spatial element r dr dφ, we can rewrite Eq. (1.49) as

µ(ρ, Φ) = F {f(r, φ)} =
2π∫︂
0

θ
2∫︂

0

I0 e2πiρr cos(Φ−φ) r dr dφ, (1.51)

where f(r, φ) is a circularly symmetric function that is separable

f(r, φ) = fr(r)fφ(φ). (1.52)

Using this property, we recognise the Bessel function of order zero with the argument
a = 2πρr

J0(a) = 1
2π

2π∫︂
0

eia cos(Φ−φ) dφ, (1.53)

therefore,

µ(ρ, Φ) = 2π
4

πθ2

θ
2∫︂

0

r J0(2πρr) dr =
[︄

r′ = 2πρr

dr′ = 2πρ dr

]︄
= 2

π2θ2ρ2

πρθ∫︂
0

r′J0(r′) dr′. (1.54)

The integral of the Bessel function J0 is
α∫︂

0

xJ0(x) dx = αJ1(α), (1.55)

therefore,
µ(ρ, Φ) = 2

π2θ2ρ2 πρ θJ1(πρ θ) = 2
πρ θ

J1(πρ θ). (1.56)

Using the (u, v) coordinates back again, we get the visibility of a uniform disk

µ(u, v) = 2J1(πθ
√

u2 + v2)
πθ
√

u2 + v2
, (1.57)
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Figure 1.13: Uniform disk visibility. The visibility is real everywhere and circularly symmetric
in the (u, v) plane. Left: Visibility modulus of a uniform disk. The visibility modulus decreases
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the projected baseline has a length of 1.22λ

θ . Right: Squared visibilities of uniform disks with
different angular diameters. The larger the diameter, the faster the visibility drops.

where the angular diameter θ is in rad; u, v, in cycles per baseline. The visibility can also
be written as the jinc function jinc(x) ≡ J1(x)

x

µ(u, v) = 2 jinc(πθ
√

u2 + v2). (1.58)

Such a model is commonly used for calibrators in interferometric pipelines such as the
ESO’s EsoReflex (Freudling et al., 2013) and is illustrated in Fig. 1.13. The ‘null’ in visi-
bility means that the contrast of fringes goes to zero, the fringes disappear, and the fringe
pattern becomes a uniformly illuminated field. Michelson & Pease (1921) used the posi-
tion of this null in the visibility for measuring the diameter of Betelgeuse (see Sect. 1.1).

A brightness distribution, which is symmetric about the phase centre, has a purely
real visibility. This implies that the phase is either 0 ◦ or 180 ◦ for all baseline vectors B⃗.
This behaviour is a general property of the Fourier transform of real, point-symmetric
functions f(x) that satisfy f(x) = f(−x) everywhere.

1.6.5 Gaussian disk

A Gaussian disk may represent highly-evolved stars, which exhibit extended atmo-
spheres with circumstellar matter, and the edges of their disks are diffuse. They can also
be described by various limb-darkening models, but a Gaussian disk is a simple model
with strong limb-darkening, extending smoothly to zero. Specifically the intensity of such
a source is

I(α⃗′) = I0 e−|α⃗′|2/(2σ2) (1.59)
The visibility is, in accord with Eq. (1.103)

µ(B⃗) = e−2π2(u2+v2)σ2
, (1.60)

where σ = FWHM
2
√

2 ln 2 is related to the FWHM.
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1.6.6 Offsets

The visibility as a function of a baseline becomes a bit more complicated when
the source is offset from the phase centre. Then, the convolution theorem given by
Eq. (1.79) is invoked. Convolving any function with the Dirac δ-function offset from
the origin by an amount of x⃗0 has an effect of shifting a function by x⃗0, i.e.

f(x⃗) ∗ δ(x⃗− x⃗0) = f(x⃗− x⃗0). (1.61)

For instance, to compute the complex visibility of a star modelled as a uniform disk that
is offset from the phase centre by the angle α⃗′

0, the brightness distribution of the star is

I(α⃗′) = 4
πα⃗′2 ∗ δ(α⃗′ − α⃗′

0). (1.62)

According to the convolution theorem, the total visibility is the product of the visibilities
of the centred disk and of exponential that is Fourier transform of the δ-function

µ(B⃗) = 2J1(πθ|B⃗|)
πθ|B⃗|

eikα⃗0·B⃗. (1.63)

The expression shows that the phase component of the visibility reflects the star’s dis-
placement from the phase centre, whereas the modulus conveys details about the source’s
angular size or structure.

1.7 Measuring complex visibilities
While the real visibility (modulus) can be more or less preserved after applying at-

mospheric compensation techniques, the information about the phase of waves is usually
lost. Due to atmospheric turbulence, the disturbance D from Eq. (1.16) for each telescope
is changed (Haniff et al., 2006)

˜︂D = GD = |G|eiΦD, (1.64)

where |G| is the gain of a telescope including its throughput, Φ, the distorted phase,
influenced by seeing, thermal expansion, etc. The visibility satisfies µ ∝ D1D

∗
2; thus,

the actual observed complex visibility, without any correction, is changed

˜︁µ = G1G
∗
2µ = |G1||G2|ei(Φ1−Φ2)µ. (1.65)

The amplitude becomes lower and the phase shifted, no longer reflecting the true source
structure. Yet, the phase is a crucial component of the complex visibility. Most impor-
tantly, the phase encodes asymmetries in the source’s intensity distribution. For a point-
symmetric source, the phase is typically zero or constant. A non-zero phase suggests
offsets, binary companions, structure, or asymmetric emission (e.g. spots, jets). Sev-
eral techniques exist to recover the phase information, such as the closure phase or the
differential phase.

1.7.1 Closure phase

To recover reliable phase information, the concept of the closure phase was intro-
duced (Jennison, 1958). The closure phase is formed by combining measurements around
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a closed triangle of baselines. They are robust observables that are immune to atmo-
spheric turbulence, which makes them powerful for detecting asymmetries and structures
in observed sources. Using n telescopes will provide 1

2n(n− 1) independent closure phase
measurements.

Let us consider telescopes 1, 2, and 3, which create three baselines. The closure phase
Φ123 is given by the sum of phases around the triangle of the baselines, but each phase
between two telescopes also includes atmospheric perturbation associated with the re-
spective telescope (Brož & Wolf, 2017)

Φ123 = Φ12 + Φ23 + Φ31 = ϕ12 + Φ1 − Φ2 + ϕ23 + Φ2 − Φ3 + ϕ31 + Φ3 − Φ1 =
= ϕ12 + ϕ23 + ϕ31,

(1.66)

where ϕ denotes the intrinsic, unperturbed phases. All the atmospheric phase error terms
Φ are cancelled, leaving observables that depend only on the original phases.

If we further define the triple product4 as

T3 = µ12µ23µ31 (1.67)

and substitute according to Eq. (1.65), we obtain
˜︂T3 = ˜︃µ12˜︃µ23˜︃µ31 = |G1||G2|ei(Φ1−Φ2)µ12|G2||G3|ei(Φ2−Φ3)µ23|G3||G1|ei(Φ3−Φ1)µ31 =

= |G1||G2||G3|µ12µ23µ31,
(1.68)

where the amplitude is again lower, but the phase is not shifted. The triple product is
a complex quantity whose argument arg T3 = ϕ12 + ϕ23 + ϕ31 is the closure phase.

Alternately, the triple product can be defined using the coherent fluxes

T3 = F12F23F31. (1.69)

Specifically
T3 = F (B⃗12)F (B⃗23)F (B⃗31), (1.70)

where the baselines creating a triangle satisfy B⃗12 + B⃗23 + B⃗31 = 0. Thus, it can be
expressed as a function of two baselines

T3(B⃗12, B⃗23) = F (B⃗12)F (B⃗23)F (−B⃗12 − B⃗23). (1.71)

1.7.2 Differential phase

Another observable independent of the atmosphere is called the differential phase. It
uses a combination of phases measured on the same baseline but at different wavelengths.
The commonly used wavelength for this method is the Brackett-gamma (Brγ) line. We
can normalise the phase in continuum to zero and other phases measured in the line will
be relative to this continuum.

The measured fringe phase in the spectral channel i is given by

Φ(νi) = ϕ(νi) + ϵ0 + ϵ1νi, (1.72)

4or the bispectrum
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where ϕ(νi) is the object visibility phase at frequency νi; ϵ0, a wavelength-independent at-
mospheric phase error; and ϵ1, the chromatic atmospheric error. The fringes are measured
simultaneously at three or more wavelengths. Let us assume three different wavelengths
that are equally spaced in frequency, i.e. νi = [ν0−∆ν, ν0, ν0 +∆ν], where ν0 is the central
frequency and ∆ν is a frequency spacing. The procedure is to subtract the average fringe
phase at the outer wavelengths from that at the central wavelength

Φdiff(ν0) ≡ Φ(ν0)− 1
2 [Φ(ν0 −∆ν) + Φ(ν0 + ∆ν)]

= ϕ(ν0) + ϵ0 + ϵ1ν0 −
1
2 [ϕ(ν0 −∆ν) + ϵ0 + ϵ1ν0 − ϵ1∆ν]−

− 1
2 [ϕ(ν0 + ∆ν) + ϵ0 + ϵ1ν0 + ϵ1∆ν] = ϕdiff(ν0).

(1.73)

After substituting according to Eq. (1.72), the atmospheric error terms were cancelled.

The differential phases reveal how the structure differs accross the emission line, which
is very useful information, especially if circumstellar medium is present.

1.8 Interferometric instruments
Interferometers are useful for studying many types of objects, from cold gas clouds to

exoplanets, surfaces of stars, or relativistic environments around black holes. The largest
interferometers are described below. Detailed information about the interferometers and
the instruments (some of them decommissioned) is in Table 1.1. The of spatial resolution
of each instrument means the value when the visibility reaches the first zero. However,
to estimate the size of a source (if we know what we observe), this is not necessary. It is
possible to use a partial resolution of the interferometer to estimate the size of the target
with a model that fits the measured visibilities, even if they are close to 1.

CHARA The optical interferometric array with the largest baseline in the world (in
2025), Bmax = 331 m, is the Georgia State University’s (GSU) Centre for High Angular
Resolution Astronomy (CHARA). The CHARA is located at Mt. Wilson in California. It
uses six 1-m telescopes in a fixed, Y-shaped configuration, see Fig. 1.14. Each of the six
light beam paths is equipped with two adaptive optics systems, one at the telescope and
the other in the optical laboratory, just before entering the beam-combining instrument
(Che et al., 2013). CHARA can resolve objects as small as 0.2 mas at visible wave-
lengths and 0.5 mas in the near-infrared. The CHARA routinely achieves stellar diameter
measurements with precision better than 1%. A recently new instrument of CHARA is
a visible beam combiner, SPICA, which is being developed by Mourard et al. (2017) and
is able to combine all six telescopes at the CHARA Array. The SPICA project’s goal is to
measure the angular diameters of 1 000 stars and provide a large set of stellar parameters
across the Hertzsprung–Russell diagram (Pannetier et al., 2020). Another new instrument
SILMARIL is in commissioning (Anugu et al., 2024). It will be a next-generation optical
interferometric instrument.

VLTI The European Southern Observatory (ESO) has the Very Large Telescope Inter-
ferometer (VLTI) with larger telescopes but shorter baselines than CHARA. The VLTI
can use four 8.2-m Unit Telescopes (UTs) with a maximum baseline of 130 m or four 1.8-m
Auxiliary Telescopes (ATs) with the maximum baseline of 200 m (extended configuration),
see Fig. 1.14. The UTs are fixed while ATs can be positioned to more than 10 different
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Figure 1.14: Left: CHARA Array, From (Surdej, 2019). Right: VLTI interferometer, credit
of backgroud: ESO/G. Hüdepohl.

stations. The interferometer is equipped with the NAOMI adaptive optics in the coherent
combination. The VLTI instruments, GRAVITY (Eisenhauer et al., 2011), PIONIER (Le
Bouquin et al., 2011), and MATISSE (Lopez et al., 2022), combine the light from four
telescopes simultaneously.

NPOI The Navy Precision Optical Interferometer (NPOI) offers the best uv coverage
in visible light over the 570–750 nm range. Operating with six telescopes simultaneously,
it enables high-precision, high-fidelity imaging at milliarcsecond angular resolution. Its
imaging instrument, VISION, is uniquely capable of combining light from six telescopes in
the visible band, with photometric calibration on each beam—a capability unmatched by
any other optical interferometer. NPOI’s visible-light performance allows it to probe stel-
lar surface features, spots, or rotational distortion, particularly in hot stars and binaries,
where other interferometers may have limited sensitivity. The dense uv-plane coverage
provided during a single night supports snapshot imaging, making the NPOI an essential
facility for time-variable or rapidly rotating targets.

The arrays VLTI and CHARA are complementary; they cover different part of sky
with an overlap. CHARA can observed north part of sky, while VLTI covers southern
sky. NPOI is also located in the northern hemisphere.

A major leap forward in the capabilities of optical long-baseline interferometry will be
the GRAVITY+ project. It aims to significantly enhance the capabilities of the VLTI by
pushing sensitivity limits, improving astrometric precision, and expanding sky coverage
through new adaptive optics and multiple laser guide stars for each AT. It will enable
detailed studies of black holes in distant galaxies as well as accretion disks or faint ex-
oplanets. GRAVITY+ thus exemplifies how ground-based interferometry continues to
evolve, combining precision and sensitivity.

A potential future project might be a space-based interferometer, which offers the
possibility to eliminate atmospheric turbulence entirely and use extended baselines. Such
concepts have been explored in the past by Bely et al. (1990). Recent visionary designs
of lunar-based arrays, which could benefit from the Moon’s stable environment and also
a lack of atmosphere, are discussed in van Belle et al. (2024) and Carpenter et al. (2025).
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1.9 Appendix: Fourier transform as theoretical basis
Since the Fourier transform is the theoretical basis for interferometry, hereinafter, we

summarise the basic relations.

The Fourier transform of a time-domain signal g(t), yielding its frequency-domain
representation G(ω), is defined as

G(ω) = F [g(t)] =
+∞∫︂

−∞

g(t)e−iωtdt, (1.74)

where ω = 2πν = 2πc
λ

is the angular frequency and k⃗ = 2π
λ

k̂ is the wave vector. The
inverse Fourier transform is

g(t) = F−1[G(ω)] = 1
2π

+∞∫︂
−∞

G(ω) eiωtdt. (1.75)

A crucial property of the Fourier transform is its linearity, i.e. for any functions f(t)
and g(t) and scalars a and b, it satisfies

F [af(t) + bg(t)] = aF [f(t)] + bF [g(t)]. (1.76)

This means that the Fourier transform of a linear combination of functions equals the
same linear combination of their individual Fourier transforms.

Another important property is a consequence of the convolution theorem. It states
that under suitable conditions, the Fourier transform of a convolution of two functions
is the product of their Fourier transforms. In other words, convolution in one domain
equals multiplication in the other domain. For functions f(t) and g(t) with their Fourier
transforms F (ω) and G(ω), respectively, the convolution theorem states that

F [f · g] = F ∗G (1.77)

and
F [f ∗ g] = F ·G. (1.78)

The convolution of two-dimmensional functions f(x⃗) and g(x⃗) is defined as

(f ∗ g)(x⃗) ≡
∫︂∫︂

f(x⃗′)g(x⃗− x⃗′) dA, (1.79)

where dA is an element of area.

The Fourier transforms of selected fundamental functions are presented in the following
paragraphs.

Constant function

F(1) =
∞∫︂

−∞

1e−iωtdt = 2πδ(ω). (1.80)

The Fourier transform of a unit is the Dirac function.
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Dirac function

δ(x) =
⎧⎨⎩0 if x ̸= 0,

limx→0 δ(x) =∞ if x = 0,
(1.81)

F [δ(t− t0)] =
∞∫︂

−∞

δ(t− t0)e−iωtdt = e−iωt0 . (1.82)

The Fourier transform of a shifted Dirac δ-function is a complex exponential, with the
argument representing the corresponding phase shift.

Complex exponential function

F [eiω0t] =
∞∫︂

−∞

eiω0te−iωtdt =
∞∫︂

−∞

eit(ω0−ω)dt = δ(ω0 − ω) = δ(ω − ω0). (1.83)

The Fourier transform of a complex exponential function corresponds to a Dirac δ-function
in the frequency domain.

Cosine function

F [cos(ω0t)] =
∞∫︂

−∞

cos(ω0t)e−iωtdt =
∞∫︂

−∞

eitω0 + e−itω0

2 e−iωtdt =

= 1
2

⎡⎣ ∞∫︂
−∞

e−it(ω−ω0)dt +
∞∫︂

−∞

e−it(ω+ω0)dt

⎤⎦ = 1
2 [δ(ω − ω0) + δ(ω + ω0)] .

(1.84)

The Fourier transform of a cosine function is two Dirac δ-functions in the frequency
domain, symmetric at ±ω0.

Sine function

F [sin(ω0t)] =
∞∫︂

−∞

sin(ω0t)e−iωtdt =
∞∫︂

−∞

eitω0 − e−itω0

2i e−iωtdt =

= 1
2i

⎡⎣ ∞∫︂
−∞

e−it(ω−ω0)dt−
∞∫︂

−∞

e−it(ω+ω0)dt

⎤⎦ =

= − i
2 [δ(ω − ω0)− δ(ω + ω0)] .

(1.85)

The Fourier transform of a sine function is the same as for the cosine function, but
antisymmetric and imaginary.

Rectangle

F {rect(t)} =
∞∫︂

−∞

rect(t)e−iωtdt =

τ
2∫︂

− τ
2

1 · e−iωtdt =
[︄

eiωt

−iω

]︄ τ
2

− τ
2

= −e−iω τ
2

iω =

= 2τ
eiω τ

2 − e−iω τ
2

2τ iω = τ

ω τ
2

sin
(︃

ω
τ

2

)︃
= τ sinc

(︃
ω

τ

2

)︃
.

(1.86)

The Fourier transform of a rectangle is a sinc function. One can see the general property
of the Fourier transform that the broader the function, the narrower its transform is.
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Step function
s(t) = 1

2 [1 + sgn(t)] (1.87)

F {s(t)} =
∞∫︂

−∞

s(t)e−iωtdt =
∫︂ ∞

−∞

1
2 [1 + sgn(t)] e−iωtdt =

= 1
2

[︃∫︂ ∞

−∞
e−iωtdt +

∫︂ ∞

−∞
sgn(t) e−iωtdt

]︃
= 1

2

[︃
2πδ(ω) + 2

iω

]︃
=

= πδ(ω) + 1
iω .

(1.88)

The Fourier transform of a step function is a ‘spike’ at zero frequency (due to the constant
offset), and a phase term ∝ 1/ω.

Signum function

sgn(x) =
⎧⎨⎩1 if x > 0,

−1 if x < 0,
(1.89)

sgn(t) = lim
a→0

e−a|t| sgn(t) = lim
a→0

[︂
e−at sgn(t)− eat sgn(−t)

]︂
, (1.90)

F {sgn(t)} =
∞∫︂

−∞

{︃
lim
a→0

[︂
e−at sgn(t)− eatsgn(−t)

]︂
e−iωt

}︃
dt =

= lim
a→0

⎡⎣ ∞∫︂
−∞

e−at e−iωtsgn(t) dt−
∞∫︂

−∞

eat e−iωtsgn(−t) dt

⎤⎦ =

= lim
a→0

⎡⎣ ∞∫︂
0

e−(a+iω)tdt−
0∫︂

−∞

e(a−iω)tdt

⎤⎦ =

= lim
a→0

⎡⎣ ∞∫︂
0

e−(a+iω)tdt−
−∞∫︂
0

e−(a−iω)t dt

⎤⎦ =

= lim
a→0

{︄[︄
−e−(a+iω)t

(a + iω

]︄∞

0
−
[︄
−e−(a−iω)t

a− iω

]︄∞

0

}︄
=

= lim
a→0

[︄
−e−∞ − e0

a + iω + e−∞−e0

a− iω

]︄
=

= lim
a→0

(︃ 1
a + iω −

1
a− iω

)︃
= 1

iω + 1
iω = 2

iω .

(1.91)

The Fourier transform of a signum function is purely imaginary and antisymmetric.

Sinc function
sinc(ω0t) ≡

sin(ω0t)
ω0t

, (1.92)
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F {sinc(ω0t)} =
∞∫︂

−∞

sin(ω0t)e−iωt

ω0t
dt =

=
∞∫︂

−∞

sin(ω0t) cos(ω0t)
ω0t

dt−
∞∫︂

−∞

i sin(ω0t) sin(ωt)
ω0t

dt =

=

⃓⃓⃓⃓
⃓⃓⃓⃓sin(ω0t) cos(ωt) = 1

2 {sin [(ω + ω0) t]− sin [(ω − ω0) t]}

sin(ω0t) sin(ωt) = 1
2 {cos [(ω − ω0) t]− cos [(ω + ω0) t]}

⃓⃓⃓⃓
⃓⃓⃓⃓ =

=
⃓⃓⃓⃓
⃓ 1
ω0t

=
∫︂ ∞

0

(︄
−e−ωt0s

ω t0

)︄⃓⃓⃓⃓
⃓ =

= 1
2

∞∫︂
0

⎧⎨⎩
∞∫︂

−∞

sin [(ω + ω0) t] e−ω0txdt

⎫⎬⎭ dx−

− 1
2

∞∫︂
0

⎧⎨⎩
∞∫︂

−∞

sin [(ω − ω0) t] e−ω0txdt

⎫⎬⎭ dx−

− i
2

∞∫︂
0

⎧⎨⎩
∞∫︂

−∞

cos [(ω − ω0) t] e−ω0txdt

⎫⎬⎭ dx+

+ i
2

∞∫︂
0

⎧⎨⎩
∞∫︂

−∞

cos [(ω + ω0) t] e−ω0txdt

⎫⎬⎭ dx.

(1.93)

For real terms, we use the integral identities
∞∫︂

0

sin(at)e−stdt = a

a2 + s2 , (1.94)

∞∫︂
0

cos(at)e−stdt = s

a2 + s2 , (1.95)

where a = ω + ω0, s = ω0x. Hence

F {sinc(ω0t)} = 1
2

∞∫︂
−∞

(︄
ω + ω0

(ω + ω0)2 + ω2
0x2

)︄
dx− 1

2

∞∫︂
−∞

(︄
ω − ω0

(ω − ω0)2 + ω2
0x2

)︄
dx−

− i
2

∞∫︂
−∞

(︄
ω0x

(ω − ω0)2 + ω2
0x2

)︄
dx + i

2

∞∫︂
−∞

(︄
ω0x

(ω + ω0)2 + ω2
0x2

)︄
dx.

(1.96)

For the real terms, we use
∞∫︂

−∞

a

a2 + s2 ds = |a|
a

∞∫︂
−∞

1
1 + y2 dy = sgn(a) [arctan y]∞−∞ = sgn(a)π. (1.97)

For the imaginary term, the numerator is the derivative of the denominator, multiplied
by a constant:

∞∫︂
−∞

[︄
ω0x

(ω − ω0)2 + ω2
0x2

]︄
dx = 1

2ω0

{︂
ln
[︂
(ω − ω0)2 + ω2

0x2
]︂}︂∞

−∞
, (1.98)
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∞∫︂
−∞

[︄
ω0x

(ω + ω0)2 + ω2
0x2

]︄
dx = 1

2ω0

{︂
ln
[︂
(ω − ω0)2 − ω2

0x2
]︂}︂∞

−∞
, (1.99)

lim
x→∞

1
2ω0

ln (ω + ω0)2 + ω2
0x2

(ω − ω0)2 + ω2
0x2 + lim

x→−∞

1
2ω0

ln (ω − ω0)2 + ω2
0x2

(ω + ω0)2 + ω2
0x2 = 0. (1.100)

Hence
F {sinc(ω0t)} = π

2 [sgn(ω + ω0)− sgn(ω − ω0)] . (1.101)

The Fourier transform of a sinc function is a rectangular function, starting from the fre-
quency −ω0 and ending at the frequency +ω0. One can see the general property that the
time-domain and the frequency-domain representations are duals (see Eq. (1.86)).

Gauss function
g(t) = a e−bt2

, (1.102)

F {g(t)} =
∞∫︂

−∞

ae−bt2e−iωtdt = a

∞∫︂
−∞

e−b(t2+ iωt
b )dt = a

∞∫︂
−∞

e−b

[︂
(t+ iω

2b )2
−( iω

2b )2
]︂
dt =

= a e− ω2
4b

∞∫︂
−∞

e−b(t+ iω
2b )2

dt =

⃓⃓⃓⃓
⃓⃓⃓ u = t + iω

2b
du = dt

⃓⃓⃓⃓
⃓⃓⃓ = a e− ω2

4b

∞∫︂
−∞

e−bu2du =

= a

√︃
π

b
e− ω2

4b .

(1.103)

The Fourier transform of a Gauss function is a Gauss function.

Triangle

F {Λ(t)} =
∞∫︂

−∞

Λ(t)e−iωtdt =
0∫︂

−1

(1 + t)e−iωtdt +
1∫︂

0

(1− t)e−iωtdt =

=
0∫︂

−1

[︂
e−iωt + te−iωt

]︂
dt +

1∫︂
0

[︂
e−iωt − t e−iωt

]︂
dt =

=

⃓⃓⃓⃓
⃓⃓⃓ u = t u′ = 1

v′ = e−iωt v = −e−iωt

iω

⃓⃓⃓⃓
⃓⃓⃓ =

=
[︄
−e−iωt

iω − te−iωt

iω + e−iωt

ω2

]︄0

−1
+
[︄
−e−iωt

iω + t e−iωt

iω − e−iωt

iω

]︄1

0
=

= − 1
iω + 1

ω2 + eiω

iω −
eiω

iω −
eiω

ω2 −
e−iω

iω + e−iω

iω − e−iω

ω2 + 1
iω + 1

ω2 =

= 2
ω2 −

eiω

ω2 −
e−iω

ω2 = −

(︂
ei ω

2 − e−i ω
2
)︂2

ω2 = −
(2i)2 sin2

(︂
ω
2

)︂
ω2 =

=
(︄

sin(ω
2 )

ω
2

)︄2

= sinc2
(︃

ω

2

)︃
.

(1.104)

The Fourier transform of a triangle function corresponds to a squared sinc, in the frequency
domain. The transform is real, symmetric, and decays faster than a single sinc.
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Ellipse The characteristic function of an ellipse is

x2

a2 + y2

b2 ≤ 1, otherwise 0. (1.105)

The domain of integration is the region where for each

y ∈ [−b, b], x ∈

⎡⎣−a

√︄
1− y2

b2 , a

√︄
1− y2

b2

⎤⎦ .

The Fourier transform in two dimensions is

F {elps} =
∫︂ ∫︂

x2
a2 + y2

b2 ≤1

e2πiux e2πivy dx dy =
b∫︂

−b

e2πivy dy

a

√︂
1− y2

b2∫︂
−a

√︂
1− y2

b2

e2πiux dx. (1.106)

If we substitute ⃓⃓⃓⃓
⃓⃓⃓⃓ y′ = y

b
x′ = x

a

dy′ = 1
b

dx′ = dx

a

⃓⃓⃓⃓
⃓⃓⃓⃓ , (1.107)

then

F {elps} = ab

1∫︂
−1

e2πivby′dy′

√
1−y2∫︂

−
√

1−y′2

e2πiuax′
. (1.108)

We evaluate the integral and convert the coordinates to polar ones as

F {elps} = ab

2πiua

1∫︂
−1

e2πivby′dy′
[︂
e2πiuax′]︂√1−y′

−
√

1−y′
=

= b

2πiu

1∫︂
−1

e2πivby′dy′
[︃
e2πiua

√
1−y′2 − e−2πiua

√
1−y′2

]︃
=

=
⃓⃓⃓⃓
⃓ y′ = sin α

dy′ = cos α dα

⃓⃓⃓⃓
⃓ =

= b

2πiu

π
2∫︂

− π
2

e2πivb sin α
[︂
e2πiua cos α − e−2πiua cos α

]︂
cos α dα =

= b

πu

π
2∫︂

− π
2

e2πivb sin α sin(2πua cos α) cos α dα =

= b

πu

π
2∫︂

0

e2πivb sin α sin(2πua cos α) cos α dα+

+ b

πu

0∫︂
− π

2

e2πivb sin α sin(2πua cos α) cos α dα =

(1.109)
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Let us substitute ⃓⃓⃓⃓
⃓⃓⃓⃓ α = −τ

dα = −dτ

τ ≡ α

⃓⃓⃓⃓
⃓⃓⃓⃓ (1.110)

Then, we obtain

F {elps} = − b

πa

0∫︂
π
2

e−2πivb sin α sin(2πua cos α) cos α dα =

= b

πu

π
2∫︂

0

cos(2πvb sin α) sin(2πua cos α) cos α dα =

= |2 sin x cos x = sin(x + y) + sin(x− y)| =

= b

πu

π
2∫︂

0

{︃
sin [2π (ua cos α + vb sin α)] +

+ sin [2π (ua cos α− vb sin α)]
}︃

cos α dα.

(1.111)

Let us assume a dimensionless amplitude c ≡
√︂

(ua)2 + (vb)2. For the right-angle triangle,
it holds that cos β = ua

c
, sin β = vb

c

F {elps} = b

πu

π
2∫︂

0

{︃
sin [2πc (sin β sin α + cos β cos α)] +

+ sin [2πc (cos β cos α− sin β sin α)]
}︃

cos α dα =

= b

πu

π
2∫︂

0

{sin [2πc cos (α− β)] + sin [2πc cos (α + β)]} cos dα.

(1.112)

After changing the sign ⃓⃓⃓⃓
⃓ α = −α

dα = −dα

⃓⃓⃓⃓
⃓ , (1.113)

F {elps} = − b

πu

− π
2∫︂

0

{︃
sin [2πc cos (−α− β)] + sin [2πc cos (β − α)]

}︃
cos α dα =

= b

πu

0∫︂
− π

2

{sin [2πc cos (α + β)] + sin [2πc (α− β)]} cos α dα =

= b

2πu

π
2∫︂

− π
2

{sin [2πc cos (α + β)] + sin [2πc (α− β)]} cos α dα =
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After subtracting a π from α as |α = α− π|, we get

F {elps} = b

2πu

π
2∫︂

3π
2

{︃
sin [2πc cos (α− π + β)] +

+ sin [2πc (α− π − β)]
}︃

cos(α− π) dα =

= b

2πu

π
2∫︂

3π
2

{sin [2πc cos (α + β)] + sin [2πc (α− β)]} cos(α) dα =

= b

4πu

3π
2∫︂

− π
2

{sin [2πc cos (α + β)] + sin [2πc (α− β)]} cos α dα =

= b

4πu

3π
2∫︂

− π
2

sin [2πc cos(α + β)] cos α dα + b

4πu

3π
2∫︂

− π
2

sin [2πc cos(α− β)] cos α dα =

= b

4πu

3π
2 +β∫︂

− π
2 +β

sin (2πc cos α) cos (α− β) dα+

+ b

4πu

3π
2 −β∫︂

− π
2 −β

sin (2πc cos α) cos (α + β) dα =

= b

4πu

3π
2 +β∫︂

− π
2 +β

sin (2πc cos α) cos α cos β dα+

+ b

4πu

3π
2 +β∫︂

− π
2 +β

sin (2πc cos α) sin α sin β dα+

+ b

4πu

3π
2 −β∫︂

− π
2 −β

sin (2πc cos α) cos α cos β dα−

− b

4πu

3π
2 −β∫︂

− π
2 −β

sin (2πc cos α) sin α sin β dα =

= b

4πu
cos β

2π∫︂
0

sin (2πc cos α) cos αdα + b

4πu
sin β

2π∫︂
0

sin (2πc cos α) sin αdα+

+ b

4πu
cos β

2π∫︂
0

sin (2πc cos α) cos α dα− b

4πu
sin β

2π∫︂
0

sin (2πc cos α) sin α dα =

= b

πu
cos β

∫︂ π

0
sin(2πc cos α) cos α dα = b

u
cos βJ1(2πc) = ab

c
cos β J1(2πc).

The Fourier transform of an ellipse is a scaled Airy pattern, stretched differently along a
and b axes. It is a 2D version if the jinc function, but scaled. The magnitude of oscillations
decreases with distance, as in J1.
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2. Orion complex

The Orion molecular cloud complex (‘Orion complex’ for short) is located between about
300 pc and 430 pc from Earth (Bally, 2008) and spans more than 200 deg2 on the sky
(i.e. ∼100 pc across). It is a star-forming region comprising gas, dust, H i and H ii regions,
emission nebulae, reflection nebulae, dark nebulae, even infrared dark clouds, and—most
importantly—young stars, with ages ranging from literally 0 to 12 Myr.

Currently, star formation occurs in the central part of the Orion constellation (see
Fig. 2.1 and Table 2.1), particularly within the Orion A and Orion B molecular clouds.
Surrounding, embedded within, and located in front of these clouds lies the Orion OB1
association (Blaauw, 1964), a large stellar group composed of young, massive stars. While
the region of massive star formation closest to Earth, the Orion Nebula M42, lies in front
of Orion A, the most massive members of this association are in the Orion Belt: δ, ε,
and ζ Ori, north of Orion A. The Orion OB1 association consists of a sequence of stellar
groups of different ages, that are partially superimposed along our line-of-sight (Bally,
2008; Kounkel et al., 2018).

The feedback from the Orion OB1 association, i.e. several explosions of supernovæ,
ionising UV radiation, and stellar wind of tens of massive stars, formed the Orion–
Eridanus superbubble (Ochsendorf et al., 2015). It is a large, circular structure with
a diameter close to 23◦ (see Fig. 2.6) that extends to the constellation of Eridanus.
This superbubble has been studied at multiple wavelengths (Pon et al., 2016), serving
as a benchmark for studies of bubbles and feedback in the process of star formation.

A final prominent feature visible in the Orion complex is located in the northern part
of Orion: the molecular cloud and H ii region around the λ Orionis Cluster (Barrado
y Navascués et al., 2004), associated with the λ Orionis molecular ring (Maddalena &
Morris, 1987). Its main star, λ Ori, is a blue giant responsible for the ionisation of
the surrounding material.

For a list of individual objects and their membership to individual groups, see Table 2.1.
This table includes the classical division of the Orion complex according to the position
on the sky and age (Maddalena et al., 1986), but it also mentions three-dimensional
groups with similar radial velocities (RV) and parallaxes (Kounkel et al., 2018). In this
chapter, we will discuss individual groups and try to separately understand high-mass
stars and low-mass stars, as well as their possible relations. First, we need to discuss
the individual components of the Orion complex and understand their age distribution,
kinematic properties, and dynamical state.

2.1 Gaia and APOGEE surveys
The mapping and analysis of the Orion complex are being done by using a 6D phase

space with six key parameters: three spatial coordinates (position in space: X, Y , Z)
and three velocity components in X, Y , Z directions, i.e. proper motions and radial
velocities. Surveys like Gaia DR2, DR3 or APOGEE gathered lots of measurements for
revealing this 6D structure of the Orion complex, which enables large-scale studies of this
star-forming region and the possibility to understand its star formation history.
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Figure 2.1: Orion complex in the galactic coordinates with the most prominent parts and stars
marked (see Table 2.1). The background image taken from R. B. Andreo.
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Table 2.1: Overview of objects located in the Orion complex (Maddalena et al., 1986; Kounkel
et al., 2018). LSR stands for the local standard of rest (Schönrich et al., 2010).

Orion a molecular cloud

Orion Nebula (M42)
M43 (to the north of M42)
Sh2−279 (Sharpless 279)
NGC 1980
Orion molecular clouds (OMC-1–OMC-4)
NGC 1981
NGC 1999
Herbig–Haro objects HH 1-2, HH 34
Waterfall Nebula (HH 222)
LDN 1641

Orion B molecular cloud

M78, a reflection nebula (NGC 2068)
IC 434
Horsehead Nebula (B 33; in front of IC 434)
Flame Nebula (NGC 2024)
McNeil’s Nebula
Orion East Cloud (LDN 1621 + LDN 1622)
HH 24-26, HH 111

Orion OB1 association
Orion’s Belt (stars ζ, σ, ε, δ Ori)
σ Ori Cluster
25 Ori Cluster

Orion–Eridanus superbubble
Barnard’s Loop (Sh2-276)
IC 2118
Eridanus Loop (Arc A, Arc B, Arc C)

λ Ori Cluster
λ Orionis molecular ring
Barnard 30
Barnard 35 (Angelfish Nebula)

‘Orion A’ of Kounkel et al. (2018) in Orion A, Orion Nebula M42, M43,
RVLSR ≈ [0, 15] km s−1, π ≈ [2.0, 2.8] mas part of OB1d

‘Orion B’ of Kounkel et al. (2018) stars near the upper part
RVLSR ≈ [8, 12] km s−1, π ≈ [2.2, 2.6] mas of Barnard’s Loop

‘Orion C’ of Kounkel et al. (2018) Orion’s Belt, OB1b association,
RVLSR ≈ [8, 17] km s−1, π ≈ [2.2, 2.5] mas faster in RV and more distant stars

‘Orion D’ of Kounkel et al. (2018) Orion’s Belt, OB1b association,
RVLSR ≈ [−0, 15] km s−1, π ≈ [2.5, 3.7] mas slower in RV and closer stars

‘Orion λ’ of Kounkel et al. (2018) stars around λ Ori
RVLSR ≈ [13, 16] km s−1, π ≈ [2.2, 2.7] mas
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The region is fragmented into several different populations with substantial differ-
ences in their phase space. Kounkel et al. (2018) published an analysis of spectroscopic
and astrometric data from APOGEE and Gaia DR2, and identified spatially and/or kine-
matically distinct groups of young stellar objects with ages ranging from 1 to 12 Myr, see
bottom of Table 2.1.

Zari et al. (2019) performed another analysis of the three-dimensional structure, kine-
matics, and age distribution of the Orion OB association based on Gaia DR3. They
observed a correlation between stars and gas motions, stellar velocities closely follow
the velocity gradients of the parental molecular gas, indicating that stars largely inherit
the kinematics of their birth environment. However, some regions show deviations due to
feedback and dynamical processes.

The Orion complex is not a single homogeneous entity but consists of multiple sub-
groups and clusters with distinct spatial and velocity distributions. Some groups show
peculiar motions such as runaway stars or expansion from birthplaces, reflecting a his-
tory of hierarchical gravitational collapse, stellar feedback, and dynamical interactions
(Getman et al., 2019; Zari et al., 2019).

2.2 Orion A
Most of the stars from ‘Orion A’ as identified by Kounkel et al. (2018) are located

within the Orion A molecular cloud. Großschedl et al. (2018) came with a new view
of Orion A after investigating its 3D shape using Gaia DR2 data (Brown et al., 2018).
In 2D, the cloud extends over a projected length of approximately 45 pc. However, in
3D, Großschedl et al. (2018) found that the structure is cometary-like (possibly due to
feedback from nearby OB stars), with its ‘head’ at a distance of 400 pc and its ‘tail’
reaching out to 470 pc, see Fig. 2.4.

The most prominent part is the young, dense Orion Nebula Cluster (ONC; see Fig. 2.2).
Kounkel et al. (2022) concluded that even though the ONC is gravitationally bound, it
weakly expands. This behaviour can be attributed to the low-velocity ejection of stars,
resulting from dynamically unstable N -body interactions within the cluster. These ejected
stars tend to be more spherically distributed around the cluster and exhibit higher velocity
dispersions compared to the cluster’s core population.

South of the ONC lies the dark molecular cloud Lynds Dark Nebula 1641 (LDN 1641),
which continues into the Integral-Shaped Filament (ISF). The filament has its ‘lower limit’
in OMC 4, extends through M42 and M43, and reaches its “upper limit” in OMC 3, see
Fig. 2.2 (left). The ISF is a dense filamentary structure of gas and dust (see Fig. 2.2,
right panel). It is amongst the most prominent nearby star-forming regions in the Milky
Way. Kounkel et al. (2022) concluded that there is a significant signature of young stars
infalling along the ISF. This means that young stars (or protostars) are moving parallel
to the filament’s long axis, sliding down the gravitational potential toward denser regions
like the ONC. Such a behaviour is often interpreted as gravitationally driven flows along
the filament. It indicates that parts of the complex are still dynamically collapsing.
Kounkel et al. (2022) cloncluded that the ONC shows organised rotation signatures, but
only in stars younger than about 2 Myr. Older stars do not show this rotation, suggesting
that angular momentum evolves during cluster formation and dynamical evolution.
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Figure 2.2: Part of Orion A. Left: a near-infrared image of Kleiman-Low nebula and Trapezium
cluster obtained with the ISAAC instrument at the 8.2-m VLT telescope. the images of double
stars show θ1 Ori C (above) and θ1 Ori F (bottom) in the Trapezium Cluster. These observations
were among the first made with the new VLTI/GRAVITY instrument. Even from this early data,
GRAVITY achieved a breakthrough: it revealed for the first time that θ1 Ori F is a double star.
Credit: ESO/GRAVITY consortium/NASA/ESA/M. McCaughrean. Right: Herschel image
of LDN 1641 and Integral-Shaped Filament, going through the ONC. Note that the nebula is
saturated (black) in the image from Herschel. Credit: A. M. Stutz / MPIA.

At the heart of the Orion nebula and at the centre of the filament lies the Kleinmann–
Low Nebula1. It is surrounded by optically thick dust and is therefore observed primarily
in far-infrared light, see the left panel of Fig. 2.2. Bally (2008) found that the region ex-
hibits a wide-angle, high-velocity molecular outflow. They estimated that the outflowing
material has a mass of 8 M⊙, the bulk of the gas is moving at around 20 km s−1, and
individual clumps or streamers have velocities exceeding 100 km s−1.

They provided observational and theoretical evidence for a dynamical interaction be-
tween massive stars (close three-body interactions, binary formation, or stellar mergers)
that occurred around 1475 in a compact region of approximately 500 au within the KL
(Kleiman-Low). This event triggered the explosive molecular outflow (see Fig. 2.3), birth
of stars, and ejection of three massive stars: BN (Becklin–Neugebauer object), Source I,
and Source n. They are called after their roles. BN is the ejected massive young stellar
object (YSO) moving northwest at high velocity (≈ 30 km s−1). It was likely not the most
massive object. Source I is possibly the most massive component (15-20 M⊙), a protostar
or YSO, surrounded by a rotating disk and bipolar outflow. The star is currently lo-
cated near the centre of the explosion. Source n as a less massive YSO (3-6 M⊙) was also
ejected and moved southwest. Its role was to destabilise the original configuration. Bally
(2008) suggested that such explosive events are an important self-regulating mechanism
in the process of massive star formation. It naturally limits the further growth of massive

1also known as Becklin–Neugebauer/Kleinmann–Low (BN/KL; Wynn-Williams et al., 1984)
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Figure 2.3: Outflows during the birth of stars in the Kleinmann–Low nebula. Colours corre-
spond to the ALMA data and represent the relative Doppler shift; blue represents gas approach-
ing at the highest speeds; red is from gas moving toward us more slowly. The background image
includes optical and near-infrared imaging from both the Gemini South and ESO Very Large
Telescope. Credit: ALMA (ESO/NAOJ/NRAO), J. Bally/H. Drass et al.

stars and regulates their immediate environment through feedback, triggered by their own
formation.

Runaway stars Also dynamically ejected from the ONC were three runaway stars:
µ Col (Blaauw & Morgan, 1954), AE Aur (Blaauw & Morgan, 1953), and 53 Ari (Blaauw,
1956). The first two are moving in nearly opposite directions with space velocities of vspace
of 107.8 km s−1 and 113.3 km s−1 in LSR and with RVs of 109.0 km s−1 and 57.5 km s−1,
respectively (Hoogerwerf et al., 2001). Stickland et al. (1987) traced proper motions
and radial velocities in 3D space and found that the past trajectories of AE Aur and
µ Col intersect on the sky near the location of the massive, highly-eccentric (e = 0.764),
double-lined spectroscopic binary ι Ori (Bagnuolo et al., 2001). This suggested that
the two runaways resulted from a dynamical interaction also involving ι Ori. Hoogerwerf
et al. (2001) simulated and verified this possibility. All stars share a common origin,
approximately 2.5 Myr ago, and have consistent nominal observed properties. The high
velocities of the runaways and the high eccentricity of the ι Ori binary are consistent with
a binary–binary encounter, as suggested by Gies & Bolton (1986). 53 Arietis appears to
have originated in the Orion association about 4.8 Myr ago and is moving away from it
at a speed of vspace = 39.1 km s−1 in LSR and RV = 21.2 km s−1 (Hoogerwerf et al., 2001).
It is thus the third known high-velocity star originating from this region.

The ONC is still active and serves as a natural laboratory for investigating the for-
mation, early evolution, and feedback of massive stars, dynamical processes and events
such as those described above. In total, it hosts around 2 600 pre-main sequence stars,
3 000 young stellar objects, including approximately 190 protostars (Großschedl et al.,
2019) that are particularly concentrated in the ONC. In contrast, Orion B tends to host
a higher proportion of more evolved objects Gezer et al. (2025).
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Figure 2.4: True size of Orion A molecular cloud. The points are the YSOs in Orion A
according to Großschedl et al. (2018). The y-axis in parsecs is oriented toward the galactic
coordinates (l, b) = (211.0◦,−19.5◦). The x-axis corresponds to the direction of decreasing
galactic longitude l. The z-axis (not displayed) would correspond to the galactic coordinate b.
The Sun is placed at the origin, (0,0), and serves as the reference point for the distance scale.
The figure illustrates that in galactic coordinate, we see the projected size of Orion A as ≈ 20 pc
for the ‘head’ (red) and as ≈ 25 pc for the ‘tail’ (navy) as denoted by Großschedl et al. (2018).
However, the true size of the ‘tail’ is 75 pc as Großschedl et al. (2018) revealed in his 3D study.
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Figure 2.5: Orion B. Column density map of H2 derived from dust emission, using Herschel
data. At the centre lies NGC 2024 (Flame Nebula) that is east of ζ Ori. To the south is NGC
2023, the brightest nebula in the near-infrared sky. IC 434, excited by σ Ori (located 0.5◦ to
the east), and IC 435 appear dark in the molecular hydrogen map, because they are primarily
regions of ionised or atomic gas and scattered starlight, respectively. Background from Pety
et al. (2017), adapted.

2.3 Orion B
The second giant molecular cloud, Orion B, serves as a laboratory for investigating

the later evolutionary phases, such as their influence on the environment, feedback, and
cloud structure. At the same time, Orion B is rich in cold gas and dust, which makes
the cloud ideal for forming new stars. The cloud is located 400–420 pc away from Earth
and extents of approximately 6◦ × 8◦ on the sky (Pety et al., 2017). Orion B is home
to several well-known star-forming regions, including the Flame Nebula (NGC 2024), the
Horsehead Nebula (B 33), the Reflection Nebula (IC 435), IC 434, NGC 2023, and others;
see Fig. 2.5.

Orion B also exhibits a complex internal structure, with varying levels of turbulence,
magnetic field influence, and feedback from nearby OB stars in the Orion OB1 association.
Studies using Herschel and ALMA have revealed fragmented filaments and cores, many of
which appear to be gravitationally bound and capable of collapsing to form stars (Könyves
et al., 2020). The presence of external irradiation from nearby massive stars likely shapes
the cloud’s morphology and affects its star formation efficiency, which is lower on average
than in Orion A (Lada et al., 2017). Observations show that the motions in Orion B
are predominantly solenoidal (divergence-free) rather than compressive, which tends to
suppress star formation. However, in the main star-forming regions within Orion B (such
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as NGC 2023 and NGC 2024), the turbulence is strongly compressive, promoting star
formation (Orkisz et al., 2017).

Orion B is characterised by a higher fraction of more evolved YSOs, particularly of
Class II and III. (Gezer et al., 2025) suggested that star formation in Orion B may have
started earlier, or proceeded more efficiently in some regions, compared to Orion A. To
remain consistent with Lada et al. (2017), the better efficiency is possible only locally,
where compressive turbulence dominates and star formation is more active.

Kounkel et al. (2022) found that the distance and motions of stars show an age gra-
dient, with older stars closer (around 385 pc) and younger stars farther away (around
395 pc), implying that star formation is propagating into the molecular cloud over time.

2.4 OB1 association
The OB1 association is home to one of the largest and best-studied associations of

O and B stars. It is divided into subgroups denoted from OB1a to OB1d (Blaauw, 1964).
The subgroups in Orion OB1 are believed to have formed sequentially due to stellar
feedback, including UV radiation, winds, and supernovæ, beginning with the currently
dust-free 1a subgroup and ending with dust-embedded 1d subgroup around the Orion
Nebula (Blaauw, 1964; Kubiak et al., 2017):

• OB1a is located in the northwest of Orion’s Belt, in front of clouds. the region in-
cludes little gas and massive stars have evolved beyond the main sequence. the mem-
bers are mostly low-mass pre-main sequence stars; B stars are sparse. the age of
the association is approximately 10 Myr and the disk fraction is as low as 10%.

• OB1b with the age of 5 Myr is centred on Orion’s Belt stars (ζ, ε, δ Ori), which is
associated with Orion B. The subgroup includes many B stars. The region consists
of diffuse gas and remining dust, exhibiting low extinction. Main star formation
activity is declining and the occurrence of disks is moderate (30–40%).

• OB1c is estimated to be from 3 to 5 Myr old and is centered around NGC 1980.
The association includes O and B stars, dense filaments, and clumps. The extinction
is higher. the formation of the most massive stars is still ongoing. The disk fraction
is estimated to approximately 50%.

• OB1d is the youngest group, <1 Myr old, in the vicnity of the ONC, and is deeply
embedded in Orion A. the members are relatively often massive stars and protostars.
The region is filled with dense, active, star-forming gas with very high disk fraction
(more than 70%).

Blaauw (1964) found 56 O and B stars in the full Orion OB1 association, while Bally
(2008) calculated that Orion should have formed between 30 and 100 stars more massive
than 8 M⊙ over the past 12 Myr and concludes that 10–20 supernovæ likely exploded in
the Orion region over this time interval. The effects of supernovæ are well-observed across
the Orion constellation, especially in the Orion–Eridanus superbubble (Soler et al., 2018),
see Sect. 2.7.
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2.5 Orion’s Belt
The Orion Belt, including stars from the OB1b association, hosts our closest massive

stars and is an ideal region for investigating questions related to the birth of OB stars
and their evolution. The region, spannig an angular distance of about 2.3◦ is dominated
by one single star and three multiple systems:

• δ Ori (Mintaka, HD 36486, HR 1852/1851) studied in this work (Oplǐstilová et al.,
2023), see Sect. 3, or previously by, e.g., Mayer et al. (2010), Corcoran et al. (2015),
Nichols et al. (2015), Pablo et al. (2015), and Shenar et al. (2015);

• ε Ori (Alnilam, 46 Ori, HD 37128) also studied in this work (Oplǐstilová et al.,
2025), see Sect. 4, or previously by Puebla et al. (2016) or Thompson & Morrison
(2013);

• ζ Ori (Alnitak, 50 Ori, HR 1948/1949) studied by Hummel et al. (2000, 2013);

• σ Ori (48 Ori, HD 37468, HR 1931) studied by Simón-Dı́az et al. (2015); Schaefer
et al. (2016).

Each of these systems hosts one or more stars more massive than 8 M⊙, which are known
to evolve on short timescales (< 12 Myr) and will eventually end their lives as supernovæ,
enriching the interstellar medium.

South of the Orion Belt lies the well-known young stellar cluster centred on σ Ori. Ca-
ballero (2008) provided a comprehensive compilation of stellar and brown dwarf members
in this cluster. The massive stars in this system are responsible for ionising the surround-
ing region and driving strong feedback, which likely influences the evolution of nearby
protoplanetary disks. The σ Orionis Cluster contains hundreds of confirmed members, in-
cluding classical and weak-line T Tauri stars, brown dwarfs, and even several free-floating
planet candidates Caballero (2008). Many of these objects exhibit infrared excesses or Hα

emission, indicating ongoing accretion or the presence of circumstellar material.

Kubiak et al. (2017) studied the foreground population of the Orion molecular clouds.
They focused on a region covering about 25 square degrees, covering the Orion Belt aster-
ism. They concluded that the Orion Belt population is likely a less massive counterpart of
Ori OB1b. Furthermore, they suggested that the Orion Belt population could represent
an evolved stage of a cluster similar to the Orion Nebula Cluster.

2.6 λ Ori Cluster
The λ Ori Cluster, also referred to as Collinder 69, is a young open cluster centred

on the massive O8 III star λ Ori (HD 36861), see Fig. 2.1, which is embedded in a large
ring of molecular gas (mostly H2, H i, H ii, and dust known as the λ Ori ring (Cunha &
Smith, 1996). The cluster lies at a distance of approximately 400 pc and has an estimated
age of about 5 Myr. Its relatively low extinction and rich stellar population make it
an important site for studying the formation and early evolution of stars and substellar
objects in environments influenced by high-mass stars.
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The λ Ori Cluster exhibits a wide mass spectrum, from massive OB-type stars to
planetary-mass objects. Several photometric and spectroscopic surveys such as Bouy
et al. (2009) and Barrado y Navascués et al. (2004) have confirmed the presence of nu-
merous pre-main sequence stars, including both classical and weak-line T Tauri stars,
substellar objects, and potential planetary-mass companions (i.e. objects with masses
M < 13 MJup). The presence of infrared excesses among many low-mass members suggests
that circumstellar disks are still present in a significant fraction, although at somewhat
lower rates compared to denser regions such as the Orion Nebula Cluster. The effect of
the ionising radiation and stellar winds from λ Ori may be contributing to disk dispersal,
rendering the cluster a valuable case study for environmental feedback processes.

A prominent feature of the λ Ori Cluster is the λ Ori ring, a molecular ring approxi-
mately 5×5 deg in size. Cunha & Smith (1996) explored the hypothesis that the expand-
ing molecular ring around λ Ori was produced by a Type-II supernova, approximately
0.3–0.4 Myr ago. Based on its current size and expansion velocity of 14 km s−1 (Maddalena
& Morris, 1987), they argue that a supernova explosion within a flattened molecular cloud
could explain the ring—possibly originating from the former companion of λ Ori itself.
Later studies, such as Ansdell et al. (2020), supported the idea that the λ Ori ring was
created by a supernova, but estimated that the explosion occurred about 1 Myr ago.

2.7 Orion–Eridanus superbubble
The most prominent nearby example of a profound impact that massive stars may

have on the interstellar medium is the Orion–Eridanus superbubble. The bubble spans
about 300 pc, and its near side lies approximately at the distance of 180 pc; see Fig. 2.6.
The bubble is shaped by the cumulative energy released through stellar winds and multiple
supernova explosions. Many clouds now forming stars are located along the inner walls of
the superbubble, indicating a feedback-driven, ‘sweep-compress-trigger’ scenario (Bally,
2008). The expanding superbubble sweeps up surrounding gas, the gas gets compressed
as it is pushed together by the expansion, and this compression leads to gravitational
collapse, initiating a new sequence of star formation.

The visible part of the Orion–Eridanus superbubble is Barnard’s Loop (Ochsendorf
et al., 2015), an arc of extended filaments of Hα emission. It is named after the astropho-
tographer E. E. Barnard, who photographed it and published a description in 1894. The
loop is spanning up to 20 deg on the sky and is situated at a distance of 400 pc, which
corresponds to a physical diameter of roughly 100 pc. O’Dell et al. (2011) used high-
resolution spectrophotometry to study the physical conditions in Barnard’s Loop and
determined the temperature T ≈ 6 000 K and electron density ne ≈ 2.0 cm−3.

(Kounkel, 2020) explained the origin of Barnard’s loop as a remnant of a single su-
pernova that exploded 6 Myr ago. The centre of the expansion is consistent with the ge-
ometrical centre of the H ii bubble. This is similar to the H ii bubble and the ballistic
expansion associated with λ Ori, see Sect. 2.6. Foley et al. (2023) found that the expan-
sion of Barnard’s Loop is propelled by a combination of feedback from Orion X (which is
a label for the centre of Barnard’s Loop) and OBP-B1. OBP-B1, identified by Swiggum
et al. (2021), is a combined population of two subclusters, Briceño-1 and OBP-Near, that
are subgroups of Orion OB1a and OB1b, respectively. Foley et al. (2023) also found that
just OBP-B1 likely produced one to a few supernovæwithin the past few million years.
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Figure 2.6: Orion–Eridanus superbubble in a wide-angle view. Note the star-forming clouds
along its walls. The background image is emission from Planck at 857 GHz (350 µm); background
from Könyves et al. (2020), adapted.
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Barnard’s Loop may thus be directly related to several known runaway stars, including
AE Aur, µ Col, and 53 Ari, discussed in Sect. 2.2.

2.8 Low-mass stars
We shall discuss low-mass stars (M < 8 M⊙) and high-mass stars separately, even

though low-mass stars play an important role in the evolution and star formation history
of the Orion complex. They allow us to understand the complex interplay of star forma-
tion, feedback, and cluster evolution. Their key functions are i) to trace star formation
history, ii) to allow studying protoplanetary disks and planet formation, iii) to contribute
to the stellar population and total mass, iv) to influence feedback processes, chemical
enrichment, and v) to partialy drive dynamical evolution and cluster dispersal.

Low-mass stars are numerous and form over more extended periods of time. Their
ages and spatial distribution help to reconstruct the star formation timeline and the prop-
agation of star formation across the complex. Because they live longer than massive stars
(≫ 12 Myr), they serve as a ‘fossil record’ of past star formation episodes (e.g. Levine,
2006).

In addition to tracing the history, many low-mass stars in Orion retain protoplanetary
disks, especially around the Trapezium Cluster. Studying these disks gives insight into
the early stages of planet formation in an m‘adverse’ star environment, when UV radiation
from massive stars affects disk survival (e.g. Mann, 2010).

Despite their faintness, low-mass stars dominate the total number of stars in Orion and
contribute substantially to the total mass. This contributes to the gravitational potential
of the cluster and the dynamical evolution of the region (e.g. Rivilla et al., 2013).

While massive stars dominate, low-mass stars also contribute to the dynamic environ-
ment via outflows and jets, as manifested by the Herbig-Haro (HH) objects (Herbig, 1950;
Haro, 1952), compact patches of nebulosity. These outflows can regulate star formation
locally by dispersing gas and triggering or suppressing collapse in nearby regions (e.g.
Bally & Reipurth, 2001).

Over longer timescales, 100 Myr to ≈1 Gyr, low-mass stars further influence their
environment through chemical enrichment. As they evolve—eventually becoming asymp-
totic giant branch stars—they return processed material to the interstellar medium (e.g.
D’Orazi et al., 2009).

Finally, motions and mutual interactions with massive stars shape the evolution of
Orion’s stellar populations. These dynamical processes influence cluster stability and
contribute to the eventual dispersal of clusters (Kroupa et al., 2018).

2.8.1 T Tau

Low mass stars dominates among YSOs (Gezer et al., 2025), a broader class, includ-
ing deeply embedded stages: i) class 0, protostars, mostly with envelope, very young;
ii) class I, embedded protostars with disks and envelopes; iii) class II, disk-bearing stars,
typically classical T Tauri stars (CTTS); iv) class III, disk-less stars, typically weak-
lined T Tauri stars (WTTS). All YSOs exhibit variability, active accretion, and outflows
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(Schwartz, 1983). In particular, they have narrow jets of partially ionised gas, which are
ejected by young stars, and collide at high speeds (hundreds of km s−1) with nearby clouds
of gas forming HH objects.

T Tauri stars, i.e. class II and class III, are pre-main-sequence (PMS) stars, which
creates the largest group of low-mass stars in the Orion complex. They are named after
the prototype T Tauri located in the neighbouring star-forming region Taurus. Also, some
brown dwarfs show CTTS/WTTS-like behaviour.

CTTS (Bertout, 1989) are young (< 10 Myr) stars with masses less than 2 M⊙. They
still accrete material from a circumstellar disk, contract toward the main sequence, and
have not yet started stable hydrogen fusion in their cores. Because of active accretion,
they have strong emission lines (e.g. Hα, Li). CTTS exhibit infrared excess, caused by
warm dust in the disk and variability in brightness. They are often associated with jets
and outflows. We can find them in the youngest parts of Orion, especially in the ONC,
L1641 in Orion A, NGC 2024, NGC 2068/2071 in Orion B.

WTTS have a weak or absent emission lines (Gras-Velázquez & Ray, 2005). They
exhibit little or no accretion but are still contracting toward the main sequence. Their
disks have mostly dissipated. They were identified in slightly older parts of the Orion
complex, compared to CTTS, i.e. outer regions of ONC and subgroups OB1a, OB1b,
OB1c of the Orion OB1 association.

Older PMS, still moving toward the main sequence, which do not belong to YSOs, are
called post-T Tauri stars (Jensen, 2001). Observationally, they are often indistinguishable
from WTTS. They were found in more dispersed populations, such as Orion OB1a or
OB1b, with ages between 5 Myr and 10 Myr. Another group of objects that show CTTS-
/WTTS-like behaviour, but on a smaller scale, is brown dwarfs (Burrows & Liebert, 1993).
Many are found in Orion, especially in the ONC.

2.8.2 FU Ori

The transition phase of low-mass YSOs between class I and class II is represented by
FU Orionis; its prototype star FU Ori located in the northern part of the Orion complex, at
a distance of about 416 pc (Vallenari et al., 2023). FU Ori became historically significant in
1936, when it brightened from approximately 16 mag to 9.6 mag in the V -band over a few
months. This dramatic outburst marked the new class of variable stars, now informally
called ‘FUors’. They are characterised by episodic eruptive events. These events are
believed to be initiated by increased accretion from ≈ 10−7 up to ≈ 10−4 M⊙ yr−1. During
such outbursts, FUors typically change their spectral type. In the visible range, their
spectra resemble those of F- and G-type supergiants, while in the infrared, they are similar
to K- and M-type stars. The brightening is followed by a slow decline over decades.

FU Ori itself is a binary system (as probably all of them) with a primary mass
of 0.6 M⊙. Its faint, infrared companion, FU Ori S, was discovered ≈ 0.5 arcsec away.
The star represents a critical phase in early stellar evolution, likely linked to episodic ac-
cretion events that influence mass build-up, disk evolution, and possibly planet formation.
Lykou et al. (2022) resolved its accretion disk in the mid-infrared using VLTI/MATISSE
in L-, M - and N -band. The authors concluded that the disk is compact, and of moderate
mass, supporting a picture of steady viscous accretion with declining disk size over time.
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